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ABSTRACT

This thesis is concerned with stellar wind outflows of the Asymptotic Giant Branch
(AGB) stars. The model that the radiation pressure acting on the dust grains drives the
material outward is investigated in details. The hydrodynamics equations of motion for
the outflow coupled with the equation of detailed radiative transfer are solved by treating
the circumstellar envelope, which consists of gas and dust, as a two-component fluid. The
results about the effects of parameters such as the mass loss rate, the dust grain size, and
the dust to gas ratio are presented in this thesis as well as the lower limits on the mass
loss rates. Our model shows that any changes on these parameters will change the
terminal outflow velocities and the spectral energy distributions. Based on this model, the
fitting of LRS spectra from IRAS for three stars: AFGL3068 (carbon-rich), o Ceti
(oxygen-rich with 10um emission feature) and OH25.6+0.6 (oxygen-rich with 10pm

absorption feature) are obtained.
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Chapter 1 Introduction

1.1 Evolution of Asymptotic Giant Branch Stars

After all the hydrogen in the central region of a star is burnt into helium, the star moves
away from the main sequence to Red Giant Branch (RGB) with the degenerate helium
core surrounded by half-degenerate helium materials and hydrogen envelope. As the
temperature rises in the central region (because of the contraction), the helium nuclei in
the center are striking each other harder, and more frequently, at this situation, we would
expect that, sooner or later, the degenerate helium nuclei would ignite to produce carbon
and start to provide energy. The energy released from the central core burning is so high
that it can ignite the partially degenerate helium in the surrounding shell. After all the
helium is totally consumed throughout the entire central region of the star, the star moves
away from RGB to Asymptotic Giant Branch with C-O core in the center surrounded by
a helium burning shell and hydrogen envelope.

It is convenient to group Asymptotic Giant Branch (AGB) stars into two classes: those
which have not yet begun to thermally pulse we designate as early-AGB (E-AGB) stars,
while those that are in the thermally pulsing phase we designate as thermally pulsing
AGB (TP-AGB) stars. While in the E-AGB phase, the hydrogen burning shell is extinct,
and helium burning in a narrowing zone provides most of the energy reaching the stellar
surface.

With an unimportant exception (Iben & Renzini 1983), L. (the stellar luminosity) and

T, (the effective temperature) are monotonic increasing functions of time during the E-
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AGB phase. The relationship between T, and L. is too sensitive to mass and composition
to permit the construction of a simple analytic approximation that is valid for all masses
and compositions. It must further be emphasized that the relationships between T, and
L. found in any model calculation for a given mass are at best acceptably reliable only
with regard to the slope (in the H-R diagram).

Because of the temperature increase toward the end of the E-AGB phase for helium
burning, hydrogen is reignited in a thin shell and the star begins to thermally pulse.

As in the case of helium-core flash, the dominant energy source for a thermal pulse is
the triple alpha reaction. However, since the burning occurs in a region in which electrons
are not degenerate (between the hydrogen-helium discontinuity and the electron
degenerate C-O core), the energy that is liberated goes directly into raising the local
pressure and initiating an expansion. Once the expansion has progressed far enough,
cooling sets in and helium burning begins to die down. The expansion initiated by helium
burning takes matter at and beyond the hydrogen-helium discontinuity out to such low
temperatures and densities that hydrogen burning is effectively shut off. Ultimately, when
the helium-burning luminosity Ly, drops below the surface Iuminosity L, the matter that
has been propelled outward falls back inward and heats until hydrogen is reignited. The
helium-burning rat.e continues to drop and the hydrogen-burning rate continues to increase
until a steady state is reached in which the hydrogen-burning luminosity Ly nearly equals
L and Ly, << Ly. Then ensues a long period during which quiescent hydrogen burning
in a shell eats its way outward in mass until, after a critical mass has been processed,

another thermal pulse is initiated.
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As stated above, a TP-AGB star is in the phase of evolution containing two nuclear
burning shells. The structure of a TP-AGB star can be described as follows: a very tiny,
very compact hydrogen-exhausted core is surrounded by a very diluted, fully convective
envelope containing still unprocessed materials as demonstrated in Figure 1.1. The
hydrogen-burning shell is the interface between the core and the envelope and its radial
extent is only about 10 of that of the stellar surface (Schonberner, Blocker & Marten
1994). For a major fraction of the AGB evolution, hydrogen burning provides nearly all
the Tuminosity that is radiated away from the stellar surface and this luminosity increases
with the mass of the core within the burning shell.

The early numerical calculations of AGB (here and hereafter AGB means TP-AGB)
models have showed that such a structure with two burning shells is thermally unstable
(Schwarzschild et al. 1965, Weigert 1966). The reasons are that the nearest terrestrial
comparison for helium flash would be a bomb explosion and the energy output is unstable
as stated above. This thermal instability of the helium-burning shell leads to the so-called
thermal pulse or helium-shell flashes. Direct evidence for the occurrence of thermal pulses
is provided by the observed rapid period changes in some Mira variables(Wood & Zarro
1981). From pulse to pulse, the core mass increases, and so does the Iuminosity. The
luminosity increase along the AGB leads to stronger winds-larger mass loss rates as is
known from infrared and radio observations as below.

The advent of infrared technology opened up a new era in the study of AGB mass loss.
The 2.2 um sky survey (IRC survey) by Neugebauer and Leighton (1969) discovered a

new class of objects - those which possess infrared emission in excess of the expected



The Structure of An AGB Star

dust—gas shell

FIGURE 1.1 The structure of an AGB star. Inside the diagram "1" reprensets C-O core,

"2" reprents the helium burning shell and "3" represents the hydrogen burning shell.
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photospheric continuum. The energy distribution of NML Cygni, for example, has a
colour temperature of ~ 600K which obviously cannot be due to photospheric emission
from a star. It was soon realized that these stars are surrounded by thick layers of dust
which absorb the visible light emitted by the star and re-emit it in the infrared.

Later, Woolf and Ney (1969) discovered a well-defined emission feature at the
wavelength of 10 pm in a number of cool stars and attributed it to silicate grains. Further
broad-band photometry revealed that this feature is common to most giants with spectral
types later than M3. Chemical equilibrium calculations by Gilmann (1969) supported this
identification by showing that silicate grains should be the first solid particles to condense
in oxygen-rich stars. For carbon-rich stars, the first condensation should be carbon and
silicon carbide. Subsequently, further spectrophotometry at longer wavelengths was
reported by Hackwell (1972), and the presence of a narrower emission band centered near
11.3 um in the spectra of carbon stars was identified with circumstellar SiC grains (Gilra
1972). After studying the infrared spectrophotometry of stellar objects over the
wavelength range from 2 to 14 pm Merrill and Stein (1976) concluded that the broad 9.7
um emission feature is unique to oxygen-rich stars and the narrow 11.3 pm emission
feature is unique to carbon-rich stars, and the circumstellar dust envelopes of these
sources are generally more optically thick than those found in normal comparison stars.

The Air Force Geophysical Laboratory (AFGL) rocket survey of the sky at 4, 11, 20 um
has resulted in a catalog of approximately 3000 objects (Walker & Price 1975). Many of
these sources are discovered with large far infrared excess but no optical counterparts.

While many infrared stars were discovered by the IRC and AFGL sky survey, a
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comprehensive picture of the distribution and properties of late AGB stars emerged only
after the lunch of the Infrared Astronomical Satellite IRAS). The classification of many
previously unknown infrared sources detected by IRAS is made possible by the
observations of circumstellar dust features by the Low Resolution Spectrometer (LRS) on
IRAS. The observed strength of silicate feature varies from emission to absorption
suggests an increasing optical depth of the circumstellar envelope, and this has been
interpreted as increasing rates of mass loss as the star ascends the asymptotic giant branch
(Volk & Kwok 1987, Kwok 1990). This is supported by the fact that the objects with
deepest silicate absorption features are often also heavily obscured in the optical range.
There is no doubt that the infrared excess observed in late type stars is a clear
manifestation of mass loss.

The double-peaked profile with a steep gradient on the outside edges of 18 cm OH
maser emission associated with late-type stars and the CO molecule emission on both
oxygen and carbon rich stars also show the mass loss on AGB stars (Kwok 1976, Elitzur
et al. 1976). Since agreement between the theoretical and observational line profiles
firmly establishes that the stellar velocity is at the mid-point of the two peaks and the
terminal expansion velocity of the circumstellar envelope (CSE) is given by half of the
velocity separation (Kwok 1976, 1987), observations of the OH profiles therefore allow
us to determine the terminal velocity of the stellar wind very accurately. We also can
obtain the stellar wind velocity by fitting the observation profiles of CO emission lines
(Knapp & Morris 1985, Wannier & Sahai 1986).

Although much effort has been devoted to understanding the mass loss rate of the AGB
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star, we are still far from a position where we are able to predict mass loss rates for any
given AGB star parameters. Evolut@onary calculations then have to resort to empirical or
semi-empirical descriptions for a whole range of initial‘masses. Bryan, Volk and Kwok
(1990) obtained a semi-empirical formula for mass loss rate, and use it to get the initial-
final mass relationships which are close to the observations of Weidemann and Koester
(1983) (The initial-final mass relation is the relation between the mass at the beginning
of an AGB star and the mass at the ending of a star as a white dwarf). Vassiliadis &
Wood (1993) constructed a mass loss formula by combining empirical relationships
between mass loss rates and pillsational periods. Blocker(1993, 1995a, 1995b) utilized the
hydrodynamic calculations of pulsating Mira atmospheres performed by Bowen (1988)
to construct a semi-empirical mass loss formula.

As materials are blown away, the stellar surface temperature will increase, one can
expect that the dust formation will come to end somehow for the high temperature will
destroy the dust material, which would then reduce the mass loss rate by orders of
magnitudes. Thus this will quickly terminate the AGB evolution. As the inner rim of the
dusty shell moves away, the shell dilutes, cools off and the star evolves towards the
planetary nebulae phase.

As the conclusion of an AGB star, the thermal pulse and mass loss are the two essential
features of an AGB star: the thermal pulse and the mass loss. The importance of the mass
loss is demonstrated by the fact that the progeny of AGB stars, the planetary nebula
nuclei (PNNs) and white dwarfs, have mass distributions peaked closely around 0.6 M,

(Weidemann & Koester 1983; Kwok 1985, Weidemann 1990, Zhang & Kwok 1993)
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while the main-sequence masses of these objects must have been > 1 M, (Pottash 1984,
Jura 1990). For the detailed information about the evolution of AGB stars and the effects
of mass loss rate, please read the review papers written by Iben and Renzini (1983),

Kwok (1987) and Schonberner et al. (1994).

1.2 The Mechanism for Driving Materials Outward

Infrared observations have indicated silicate materials in the envelopes of oxygen-rich
stars and graphite and silicon carbide in the envelopes of cool carbon-rich stars. Gilmann
(1969) has shown that graphite carbide could arise from cool carbon stars, and iron and
silicate particles may arise from cool oxygen-rich stars. It is commonly assumed that the
most likely mechanism for the observed mass loss in late-type stars is radiation pressure
acting on small grains which in turn are coupled to the gas. However, Weymann (1962a)
has questioned whether the grains would be sufficiently coupled to the gas to permit the
above mechanism to work.

In considering grain-gas coupling it is helpful to distinguish between two types of
coupling: momentum coupling and position coupling. Momentum coupling requires only
that the momentum absorbed by grains from the radiation field be approximately equal
to the momentum which the grains give to the gas through collisions while position
coupling requires that the grains be moving in some sense slowly through the gas, e.g.,
that the drift velocity (relative velocity) between grains and gas be small compared to the
gas velocity. One type of coupling does not necessarily imply the other, and for the

mechanism of radiation pressure to grain to gas, it is momentum coupling that is



The Mechanism for Driving Materials Outward by

Radiation Pressure

Rin
AGB % g:,h)i Vanre
Star P, dust w

FIGURE 1.2 The mechanism for driving materials outward in late-type stars. Where w
is the dust velocity, u is the gas velocity and v, is the relative velocity between dust and

gas.
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important (Gilmann 1972).

In Weymann’s argument gas can gain momentum only through direct collisions with the
grain. It was pointed out by Gilmann (1972) that the majority of the gas molecules gain
momentum through collisions with other gas molecules. As a result, the momentum of
the dust grain is diffused throughout the gas.

Now we have the idea about the mechanism for the mass loss in late-type stars: dust
grains condense in a cool outflow materials, the radiation pressure from the central star
acting on the newly formed grains pushes dust grains outward and collisions between gas
and dust move the gas materials outward as demonstrated in Figure 1.2. This idea has
been only theoretically studied by analytical approximations (Gehrz & Woolf 1971,
Gilmann 1972) until the numerical solutions to the equation of motion were obtained by
Kwok (1975). Recent investigations of the radiation driven winds are given by Netzer &

Elitzur (1993) and Habing et al. (1994).

1.3 Application of Hydrodynamics and Radiative Transfer to Stellar Envelopés

The hydrodynamic evolution of the envelope of a star is very interesting for
astrophysics. It is very important for the star formation from clouds and the evolution of
a later type star. Since the obscuring matter in the envelope hides the core from an
observer at all but the very far IR wavelengths, if one wants to interpret the radiation
spectrum of the observations and understand the velocity and density distributions inside
the envelope, one has to construct a hydrodynamic model coupled with the radiative

transfer for the stellar wind. It is generally believed that radiation pressure acting on dust
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grains is the driving force of stellar outflows from late-type giants and supergiants
(Gilmann 1972, Salpeter 1974, Kwok 1975, Goldreich & Scoville 1976, Tielens 1983,
Gail & Sedlmayr 1985, Netzer & Elitzur 1993 and Habing et al. 1994). As the gas cools
below a certain temperature around 1000 K (Tielens 1983; Gail & Sedlmayr 1986, Cohen
& Tielens 1989; Schutte & Tielens 1989) heavy elements condense, radiation pressure
acts on the dust grains, and momentum is transferred from the dust grains to the gas
molecules by collisions.

As the dust forms inside the envelope, it will absorb the UV photons from the star and
re-emit them at infrared wavelengths. The dust extinction coefficient is strongly dependent
on the frequency and the spectral energy distribution inside the envelope. So the spectrum
determines the radiation pressure which determines the outflow velocity of the dust and
thus also the dust density; on the other hand the dust density determines the spectral
distribution. All these parameters are position dependent, so is the dust opacity. Another
reason for dependence on the position for dust opacity is that the outflow is a two fluid
system. As mentioned in the works of Kwok (1975) and Netzer & Elitzur (1993) it
consists of dust and gas, and the dust moves supersonically within the gas, reaching its
terminal velocity faster than does the gas. Thus the dust to gas ratio is reduced relative
to its rest value by the ratio of the two outflow velocities which are not constant through
the envelope. This non-constant velocity is also manifested by the observational evidence
that the outflow is accelerated gradually in certain supergiants (Chapman & Cohen 1986;
Bowers & Johnston 1990). Thus if one wants to understand what is the process inside the

envelope of an AGB star, one has to solve the hydrodynamics coupled with detailed
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radiative transfer problem.

Several authors have developed the method to solve the radiative transfer problem in
the past. Leung (1975) developed a numerical method to solve the problem of the
radiation transfer in dense interstellar dust clouds in spherical or planar geometry. The
basic idea of this model is to solve the radiative transfer problem as a two-point boundary
value problem by evaluating a set of moment of the radiation field and energy balance
equation of dust emission and absorption in the iterative manner to determine the source
function by assuming a uniform dust mass density distribution. The intensity distribution
and the total energy flux are then calculated from the derived source function. Rowan-
Robinson (1980) has developed a model which integrates the equation of radiative transfer
in a spherically symmetric dust cloud illuminated by a central star to obtain the emergent
spectrum distribution assuming a certain density distribution by ignoring the dynamic
effects. In this model the intensity was split up into three components: 1) the intensity
from the central illuminating source which was assumed not to suffer the extinction; 2)
the radiation from dust grains; 3) the scattered light. Therefore the radiative transfer
equation was split into three simple integrating equations.

The numerical solution for the stellar wind was unavailable until Kwok (1975)
constructed a quantitative dynamic model to seek numerical solutions to the equation of
motion by including the effects of (a) radiation pressure on grains; (b) gravitational
attraction by the star; (c) growth of grains; (d) momentum transfer from the grain to the
gas; (e) sputtering of the grains to investigate the process of radiation on the dust to

explain the mass loss observed in cool giants for optically thin case in a spherical
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geometry. In his model the momentum coupling term between gas and dust grains was
derived for the first time ever. Tielens (1983) has developed a model for a stellar wind
driven by radiation pressure on dust grains in the circumstellar envelopes of Mira
variables by ignoring the effects of the radiative transfer. In this model the outflow was
treated as a two-component fluid, consisting of gas and dust particles, and the temperature
structure was determined by three competitive process: the viscous heating by gas-grain
collisions, the H,O rotational cooling and the cooling due to expansion. Gail and
Sedlmayr (1985) constructed a dynamic model for dust condensation in the stellar wind
around cool supergiants for carbon-rich stars. In their model, the coupled system of
equation for dust grain formation and growth was solved numerically by assuming that
the supersonic wind is driving by dust condensation and ignoring the difference between
the gas and dust velocities and the radiative transfer effects even under the optically thick
case.

As stated above, a complete solution of the dynamics outflows must involve a solution
of the radiative transfer problem in the dusty envelopes. The most recent work on the
dynamics of stellar outflows are by Netzer & Elitzur (1993) and Habing et al. (1994).
Netzer and Elitzur have constructed a model with dynamic equations for both dust and
gas coupled with approximate radiative transfer solutions by ignoring the effect of gas
pressure. In their model, the radiation field was separated into two components: one
corresponds to photons emanating from the central star that were assumed not to be
absorbed nor scattered by dust and the other corresponds to the diffuse radiation,

consisting of photons emitted or scattered by dust grains. Habing et al. have solved three
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simplified models by assuming the radius-independent efficiency of dust grain.

As mentioned above, the stellar outflows are a two fluid system. In this work the dust
and gas are treated separately iﬁ the hydrodynamic equations and the relation between the
dust and gas is produced by an interaction term. We try to solve the problem within the
full solution of the hydrodynamics and detailed radiative transfer coupled together
including all the forces exerted on the dust and the gas. The goal here is to understand
the distribution of velocities and densities of gas and dust in the stellar outflow and to fit
the infrared LRS spectra from IRAS for optically thick AGB stars.

Several papers have been published for fitting infrared spectra. Rowan-Robinson &
Harris (1982, 1983) solved the radiation transfer problem by assuming a given mass
density distribution inside the shell to model the observational spectra of late type stars
(from MO to M5 or later). Volk & Kwok (1987, 1988) obtained the evolution of the
infrared spectra of AGB stars using time-dependent radiative transfer models based on a
simple mass-loss formula by assuming the constant velocity distribution (or inverse square
density distribution p o r?). The radiative transfer model used to produce the model
spectra was adopted from the program DUSTCD developed by Leung (1975) for the
modeling of dust in molecular clouds and star-formation regions.

In our model we use the hydrodynamics solution for density and velocity distributions
instead of assuming certain distribution and solve the detailed radiative transfer problem
instead of approximate solutions. Chapter 2 describes the radiative hydrodynamics model,;
chapter 3 discusses the effects of parameters; chapter 4 presents the model results; chapter

5 gives the summary and conclusions.
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Chapter 2 The Model

The problem of the evolution of envelopes of AGB stars is complicated in that on one
hand radiation pressure determines the outflow velocity of the dust and thus also the dust
density; on the other hand the dust density determines, via radiative transfer effects, the
spectrum of the photons and thus the effective radiation pressure. To solve this problem
we have to find the equations of hydrodynamics, which describe the motion of gas and
dust, and the equation of the radiative transfer, and solve these equations simultaneously.

The program used here is based on one--dimensional radiation-hydrodynamic formulae
which solve the time--dependent equations of hydrodynamics and radiative transfer in
spherical geometry for a two component fluid consisting of gas and dust. The code was
originally written and applied to investigate the dynamical evolution of protostellar clouds
by Yorke (1977, 1980a, 1980b). We develop it to investigate the dynamical evolution of
the envelopes of late type stars. In this chapter we are going to investigate the equations
of motion for dust and gas components and the equation for radiative transfer inside the
envelope of an AGB star. We also give details about how to solve the radiative transfer
numerically and the numerical method of solving the hydrodynamics equations coupled
with the equation of energy conservation of the radiation field.

The general idea for the numerical method is iterative. First of all we have to find the
initial and boundary conditions for each parameter and use them to solve the detailed non-
gray radiative transfer problem to obtain the approximate radiation field, and use the

obtained radiation field to solve the hydrodynamic equations coupled with the equation
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of energy conservation of the radiation field to update the parameters. Once the new
parameters are obtained we can use them to find the more accurate radiation field and
then to obtain the more accurate parameters by repeating the above steps until we obtain
consistent solutions for the envelope. We use our radiative hydrodynamics model to

obtain steady state solutions for non-gray case.

2.1 Hydrodynamics

It is usually assumed that dust formation is an abrupt process that occurs as a phase
transition when the temperature decreases below a ce_rtain value (eg. Goldreich & Scoville
1976). However there are considerable uncertainties. At small radii collisions among the
dust grains can lead to coalescence or breakup. In addition, not all the species condense
at the same temperature and grains can keep growing after their initial formation (Kwok
1975). Even though in a steady outflow one might expect grain growth to stop at large
radii for kinetic reasons (eg. the drop in gas density), it is quite likely that clumps are
present and hence the continued accretion is feasible. Unfortunately, no adequate
modelling has yet been performed to describe clumps and their effects in a quantitative
manner. In our model calculations we keep the same dust grain size and number after dust
grains are formed in inner radius.

On the other hand, all of these uncertainties are dwarfed by another effect, that the dust
flows out faster than does the gas, resulting in a two component fluid. Thus the dust to
gas ratio and hence the dust opacity is reduced by a factor w/w, where u and w are the

outflow velocities of gas and dust, respectively. To account for this difference in
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velocities, the gas and dust must be treated separately in the hydrodynamic equations.

2.1.1 Equation of Motion for Gas Component

The forces acting on the gas in a circumstellar envelope are: the gravitational pull of the
star, the outward force due to the interaction between dust and gas, and the gas pressure
gradient. The coupling between dust and gas can be estimated by adopting the following
simplified picture: a perfect sphere is moving at velocity v, (the relative velocity between
dust and gés, v;/=w-u) in a field of gas particles with Maxwellian velocities of temperature
T. After taking the average of encounters from all possible directions the rate of
momentum transfer takes the form (Kwok 1975) of ma’pv,vy in the limit of v4 << vq,
where vy = 3/4(3kT/umy)"?. In the case of v4 >> vy, the coupling can be approximated
by ma’pv’. We use the following expression to connect these two regions:

na%pv,(va+v,5)"? and define the collision parameter as

8KT,
B = <ma? g + (u-w)? , (1)
Ty,

where a is the radius of dust grain, k = 1.3805x10™ ergs/K is the Boltzmann constant,
u is the mean molecular weight of the gas in AMU (eg. if the molecular gas composition
of H,:He:C:N:O is assumed to be 1:0.1:3x10*:1x10*:6x10*, then u = 2.2848), my is the
atomic hydrogen mass, T, is the gas temperature.

So the motion equation for gas is
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du + u@ + Gl

E or r2

- ng(w-u)p +

LOErO - o, (2)
p

or

where G = 6.67x10*dyne-cm?¥g” is the gravitational constant, M, is the stellar mass, p is

the mass density of gas, and n, is the dust number density; P is the gas pressure given by

kp T,
pany

P =

(3)

Q is the "artificial” viscous pressure come from the internal friction of the gas given by

2o 212 au
1% ( ar) or <0
Q= 3 / (4)
u
0 a7 20
here 1 is the viscous coefficient.
2.1.2 Equation of Continuity for Gas
The equation of continuity for gas is
3, .0 , p0u, 20 Lo 5

3t ar  Par T Tz

After performing some transformations, equation (5) can be changed into the following

form

dlgp , 3lge d(pur?)
at P 3(r?)

] (59

where e = 2.7182818 and lg is the abbreviation for log,,.
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2.1.3 Equation of Motion for Dust Component
The forces acting on the dust grains are: the radiation pressure, the gravitational pull by
the central star, and the drag force by the gas due to friction. Thus the equation of motion

for the dust component is

nazL GM,
@+Wﬂ7— Or . * o+ 2*+—Q(w—u)ﬁ=0 , (6)
ot or  4mr?cmy r my

where c 1s the speed of light, L. is the luminosity of the star, m, is the mass of the dust

particles; Qg is the flux-mean extinction efficiency defined as:

fo"o<v)F(v>dv o
Op = _ ) 7
! fo F(v) dv

where Q(V) is the frequency dependent extinction efficiency and F(v) is the flux of the

radiation field.

2.1.4 Equation of Continuity for Dust Grains

The equation of continuity for dust grains is

ony ong4 dw = 2wny
—d —9 + n S . =0 . 8
ac ~ "ar T Par r (8)
After some transformations equation (8) becomes
dlgng + 3lge 9 (ngwr?) =0 . (8"

ot g4 d(r3)
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2.2 Equation of Energy Conservation for the Radiation Field
The thermal structure of the stellar outflow is assumed to be dominated by the radiation

field. The condition of radiative equilibrium at any time and any radius is given by

1 0 20y =
77 o1 (dmreH) o , (9)
where H is Eddington flux (first moment of the radiation field) integrated over frequency

for the radiation field. The frequency integrated radiative energy flux F is related to H

such that
AnH = F = fmdvf%r(v)cosedm . (10)
0 0

To get the radiative enérgy flux F one has to solve the radiative transfer problem inside

the envelope.
2.3 Special Cases, Initial and Boundary Conditions

2.3.1 Initial Distributions and Boundary Conditions for the Velocities of Gas and Dust
For steady outflow and ignoring artificial viscosity Q, Equation (1) can be simplified

to

- ng(w-u) B + %g—l; =0 . (11)

u@ + GMI

or r2

Furthermore, if the difference between w and u can be ignored, it means that the coupling

between dust and gas is perfect, so almost all the dust momentum is transferred to the
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gas, then the coupling term in equation (11) can be changed to ®Qgma’L./(4nr’cm,)
according to Gail & Seldmayr (1985) for perfect coupling condition. Equation (11) can

be changed to the form

GM a2l
du , GMy  103P _ g 97aL. _, (12)
or r2 p Or 4nr2cmy

u
where @ =®,u/w is the dust to gas ratio and ®, is the rest dust to gas ratio.
After performing the integration over r, one can get the initial velocity distribution of

gas in the form (we ignore the gravitational deceleration here for it is much smaller than

the radiation acceleration (Kwok 1975))

I

2(r) = u? Krlw |1 To|_ 2Kk
u?(r) =u (ro)+2ﬁroc(1 r) umHy[r,Tg(r),p(r)], (13)

with the function y[r, T,(r), p(¥)]

ylz, T(z), p(r)] = T (x) - T (z,) + fglnﬂ,
p(r,)

where Tg is the mean gas temperature over the range of r, %z is the flux mean opacity of
dust,
nazme(V) F(v)dv

0

=® ~ ' (14)
M mdfo F(v)dv

Oyna?

XF=¢

and u(r,) is the gas velocity at the inner boundary of the shell which can be assumed to
be any small value. Since it is much smaller than the terminal velocity (the gas velocity

at the outer radius), the implication of its exact value for the solution is negligible. This
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is true for both the gray (the optical properties are independent of the frequency) and non-
gray cases (Netzer & Elitzur 1993).

For steady outflow, the first term of equation (6) dw/dt is zero, and if the second term
of equation (6) dw/dr can be ignored (i.e. dust does not pass through a shock) then

equation (6) can be simplified to

[y

GM, nasQ.L, , pna?
r? mAnric g

2 2 2 =
Vdrift:(v avg+v drift:) =0 , (15)

where v, is the thermal mean velocity of the gas, V,y, = (8kKT/mumy)'?, and Ve = w -
u, is the velocity difference between gas and dust. Solving the above equation for drift

velocity one has

Wl

- vzavg} . (16)

2
( QFL* _ my ZGMI) + V4BV9‘J

1
v . = —
drift 2{ 2nricp map r?

From equations (13) and (16), the dust velocity distribution can be obtained as w = u +

vdrift‘

2.3.2 Temperature Distributions for Dust and Gas

The inner radius of the envelope is determined by the assumption that this is where the
dust forms. The temperature at this point is assumed to be the dust condensation
temperature. The dust teniperature inside the dust shell can be determined by solving the

radiative equilibrium equation for dust

fo‘”oabs(v)J(v,> dv = fo 0. (V)B(V, T)dv (17)
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where G,,,(V) is the absorption cross section of the dust, B(v,T) is the blackbody radiation
field of the dust at temperature T, and J(Vv) is the mean intensity of the radiation field. To
the first approximation, when dust absorption can be ignored the mean intensity of the

radiation field is simply given by the diluted radiation field of the central star, this is

1 —«ll—(ﬂw}, (18)
Ir

where T, is the stellar effective temperature; r. is the radius of the star.

fonv (Teff) d“) 1
2 = S I, (Tepe)

Jv) = 47 2

Let JO”IV(Teff)Gabs(v)dV/JO”GaDS(V)B v, T, 0dv =1 ; and solving equations (17) and (18) for

the first radius of the envelope r;,, we get

Iy

= (19)
Ji - (1-2/r,)°%

Iy

In the next iteration, we can use the result of detailed radiative transfer solution for J(v)
to solve equations (17) and (18) to get more accurate 1, and dust temperature inside the
shell.

Little is known about the behaviour of the gas temperature inside the envelope of an
AGB star, T, = T, is assumed throughout the envelope, although it needs some
modification in the future. Fortunately, we just use the dust emission as the source

function in our calculation, so the gas temperature is not very important here (see below).

2.3.3 Density Distribution for Gas and Dust
If only the steady and spherical outflow is considered, the density distribution for gas

and dust can be obtained by using the continuity equation of mass:
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Anripv = ¢M , (20)
where M is the mass loss rate; v is the velocity of gas or dust;  is the fraction, ¥ = 1
for gas (then v = u) and ¥ = @ the dust to gas ratio for dust (then v = w). From
equations (13), (16) and (20), we can get the initial density distribution for gas and dust.

Once the temperature, velocity, and density distributions are obtained, one is ready to

solve the radiative transfer to get the initial intensity and flux distribution inside the shell.

2.4 Algorithms

A steady and spherical outflow is assumed inside the envelope of an AGB star, so the
model calculations are based on a one-dimensional radiation hydrodynamic code solving
the time dependent equations of hydrodynamics and radiative transfer in spherical
geometry for a two component fluid system consisting of gas and dust.

In this model, we use the initial conditions to get the distribution of parameters such as
u, W, P, I, Tg and T, with radius, then solve the radiative transfer problem to obtain the
intensity and flux of the radiation field, and use these intensities and fluxes to soive
equation (17) to get T,, T, and the hydrodynamic equations (1), (5°), (6) and (8’)
coupling with the energy equation (9) to get the new u, w, p, n,. Once we have these new
parameters, we solve the radiative transfer problem again to get the new intensities and

fluxes and so on until we get a consistent solution.

2.4.1 Frequency Dependent Radiative Transfer Problem

The time dependent non-relativistic equation for radiation transport in spherical
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geometry including isotropic scattering can be written as

1 aI 1 - 2 aIv 7 .
St P T G = VDL A (n) - el g, (21,

where I, = L(r, p, t) is the intensity of radiation of frequency v, at time t and radius r in
the direction p = cosb, and O is the angle between the outward normal and photon
propagation directions, j,(r) is the isotropic emissivity, and &,*(r) and ©,°(r) are the
frequency dependent absorption and scattering coefficients at radius r (the relation
between Q(v) and ¢,%(r) and ,%(r) is Q(v)ra® = ¢,(r) + 6,5(r)).

By a simple change of variables (Hummer & Rybicki 1971) (r,n) — (r,p), where the

impact parameter p = r(1 - u?)'2 the specific intensity is divided into two components

I, (r,p, t) B0
Iv (II M, t)"" 14 (22)
I, (r,p, t) p<o0

and equation (21) can be written as two equations:

R

1 aIv+ . aIv

cae TR Tl ey - sy (23)
aI; oI, o
A N R (24)

where the variables L*, I, and p = (1 - p%*)™ in equations (23) and (24) are functions
of the independent variables r, p and t. Because p can not distinguish the cases p = 0 and
1 < 0, the intensity L (r, i, t) has to be separated into I,* for positive p and I, for negative

K, and S, is the source function defined as
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S, = —=—(03B, + 63T(v)) , (25)
GV + GV

where ¢," and ¢, are the dust absorption and scattering coefficients respectively, B, is

the blackbody radiation of dust, J(v) is defined by:
= L Y s -
J(v) = Efo (I, + 1)) dp . (26)

For the first iteration J(v) can be obtained from the equation (18).

For the steady outflows, equations (23) and (24) can be written as:

oL, .

1 ar" = -(0o§ +0y) (L, - S,) (27)
oIy B}

B ar” = (07 + oy) (I, - S,) . (28)

Once we obtain I, and I, we can get the first moment H(v) and the second moment

K(v) of the radiation field:

A
H(v) ‘Efo (I - I)) pdu | (29)

K(v) = %fol(r: + 1)) pdy . (30)

As shown in Figure 2.1, the computational space between the first and the last radii of
the shell is divided into N grid points with index j, which are logarithmically spaced (i.e.
1,,4/1; is constant). As far as the impact parameter p is concerned, for r; < p < r, we

assume that p coincides with r, while for p < r;, we introduce NJ - N additional impact
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parameters with equal spacing (NJ is the total number of impact parameters used in the
calculations).

If the source function S,(r) and the extinction coefficient ¢,”(r) = ¢,(r) + ¢,%(r) are
assumed to be constant between r; and r;, and we define dt, = (6" + ©,9dr, after
multiplying both sides of equation (27) by €™ or by ¢™* in the case of equation (28),

we can carry out the integration between 1;,; to 1; at impact parameter py, and get the

solution as:
T T
Tre™H| V) o Lo g ypen/H| Y Ea) (31)
v ] Tv(rj) l-L V( v) p | TV(I_-;)
I”e"v/“lT”rj'l’ =2Ls (z )pe_T”/"|TV(rj’1) (32)
Y ‘Cv(rj) povoy Tv(rj)
If we define 1,(r;) - 7,(1;,) = AT,, then
I (ry.,) = Iz e ™™ + 5,(1 - ™%/, (33)
Iy (ry,) = Iy (r) e + 5,(1 - /%) (34)
Rearranging the terms of equations (33) and (34) gives
I (r,) = [Ii(z;) -S,le™* + g (35)
v J-1 v ) v v 7
- _ - ATv/p
Iv (rj-l) - [Iv (rj) _Sv] e + Sv . (36)

Actually, the dust temperature and density are not constant with radius, so the S,(r) and
0,”(r) can not be constant between 1, and 1, thus the definition of AT, should be

modified by introducing geometrical or arithmetical averaging:
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Az, , = oth(rj) (r; - ry) , At, , = of,"’“?(rj_l) (ry; - ry,), (37)

Az, = /AT XAz, , or %(A'cv,1 + Az, ,) . (38)

Also equations (35) and (36) can be solved twice

L)1 (ry,) = L (xy) =S, (z;) 1e ™™ + 5, (z,.,) (39)

Iy 2 (ry.) = [T (zy) =S, (z;) 1™ + 5, (1) (40)
Iy a(zry) = LI, (x5) =S, (25,1 e*™* + 5, (z;.) (41)
Iy 2 (254) = L (2;) =5, (r;) 16" + 5, (r)) (42)

to get mean L*(r;.,) and I, (r;,) values from the formulae below:

I(ry) = Ta(r) xTa(5n) o 2L (x,) + I (zy,)]

I (25.) = Tv,1 (L) XTy 5 (L;4) O %[Iv',l(rj_l) + Iy 5 (r5.) ]

At each impact parameter p, and at different radii, the parameter p in the equations is

defined as

— Xy_q + X,
b=, (43)
Lja ¥ Iy
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FIGURE 2.1 The (r,p) plane and the grid inside the envelope of AGB star.
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— 2
Xj—l Ljuy — p}i
(44)
%, = (TR

In principle, if the specific intensity at the outer radius is known, using the equations
(37), (38) and (43) and the recursive equations (39) through (42), the specific intensity
at any radius at each impact parameter p, can be obtained. At the outer radius of the
envelope I, is assumed to be the 3 K background blackbody radiation B,,. Thus at each
radius 1;, the zeroth moment J(v), the Eddington flux H(v), and the second moment K(v)
of the radiation field can be calculated from the equations (26), (29) and (30) by using
the Gaussian numerical integration method. If at any radius, we have already got radiative
- flux H(v), we can calculate the flux mean extinction efficiency Qg
_ [Ton) Fv) av _ [Tow) H(v) av

Op — — p (45)
f F(v)dv fOH(v)dv

0

which is necessary for the calculation of radiation pressure on dust grains.

Since we have all the parameters of the radiation field, we are ready to solve the
hydrodynamic equations (1), (5°), (6) and (8’) coupled with the equation (9) which
describes the conservation of energy for the radiation field. The following section

describes the numerical method for solving the hydrodynamics.

2.4.2 Henyey Method--Numerical Method for Hydrodynamics
The Henyey method (Henyey et al. 1964) is very practical, especially for solving

boundary-value problems where the conditions are given at both ends of the interval. A
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trial solution for the whole interval is gradually improved upon in consecutive iterations
until the required degree of accuracy is reached. In each iteration, corrections to all
variables at all points are evaluated in such a way that the effect of each of them on the
whole solution including the boundaries is taken into account. The following is an
introduction about the principles of the Henyey method.

Let us write the five differential equations (2), (5°), (6), (8’) and (9) briefly as:

dy. .
;I/;I1 = L (VoiYorYar Yar Vs) o i=1,2,3,4,5, (46)

where we have used the abbreviations as y; = u, y, = 1gp, y; = lgng, y, = w, ys = 4nr’H;
m can be any variables (here it is the radius). The next step is discretization, i.e. we
proceed from the differential equations (46) to corresponding difference equations for a
finite variable interval [m’, m™']; here the upper index j denotes the grids along variable
m. The functions f; on the right-hand sides of equations (46) have to be taken for some

12

average arguments which we call y{*, a combination of y} and y;*';

1 ?

for example the
arithmetic or geometric mean. If the Am = m™*' - m’ is small enough, we can take the

differential as:

dy; _ vi - yi®
om mi - _mj“ll

then the equations (46) can be rearranged as:

i _ J+1 fp L T S T je L
yi - ¥i Jrg  IFg Ity It I3

m - fi(yl 1 V2 1 V3 1 Va ' Ys “) =0. - (47)

If we define the left-hand sides of (47) as



32

3 F+1 R T A
Wi _ Yi — Vi I A A B S A
G(i)7 = ’I—nJ_—mJ+1 = fj_(yl 1 Y2 1 Y3 r Ya 1 Ys I} (48)

then equations (47) can be replaced by

G(i)J = 0. (49)
Suppose that we are looking for the solution for values of y/, and we have a first
approximation set of values to this solution y,J,. Since y;; are only approximate, they
might not fulfil equations (49), but instead we will have G(@), # 0.

Let us now look for small corrections Sy; such that the second approximations:

yvi, =yi, + 8yf (50)

will fulfill equations (49). These 8y; will produce the changes dG(Y as G@), = G@EY, +

8G(Y, and equations (49) will be changed to:

G(i)l =0 (51)
or

5G(i)7 = -6(i) . (52)

For small enough corrections 8y, we may expand the 8G()Y in terms of increasing
powers of the corrections 8y/, and keep only the linear terms in the expansion. For

example:

5G(i)7 = W5y a . .y 86U 5,5
aYJ.J a.VSJ
0G(i)I s g4a , ..., 0G(i)T s su
ayfﬂ) oyi™ + + ay_,-j*l oy . (53)
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We can rewrite equations (52) into matrix form as

8y?
G(1)?
. G(2)7
55’5'7 1
(H) x =163, (54)
6yi7+1 )
. c(4)]
. G(5)7
6y§7'+1

where the coefficient matrix H is called Henyey Matrix; its elements are the derivatives

on the right-hand sides of equations (53) as below

dc(1)? . .. 8c(1)7 dc(n)? .. 8G(1)7
ay{ ayd  ayi™ ayd™
9G(2)7 . .. 9G(2)7 da(2)I ., . 9G(2)7
ay{ ayd  ayi™ ayd™
) = 8¢(3)7 . .. 9e(3)7 de(3)d ... 96(3)7 . (55)
Ay oy  ayi™ dy? ™
8G(4)7 . ., 9G(4)7 d8G(4) ... 0G(4)
ayd ovd  oyi™ ayd™
9G(5)J . . 9G(5)7 9G(5)7 . . . 8G(5)7
dyi ayd it ayd™

In our model calculation, the G(i) expressions are the left-hand sides of equations (2),

(57), (6), (8’) and (9)
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_du, ,0u, 130 , O _
¢(1) ot ¥ ”ar ¥ o] or * r? + Rg(u=w) B

dlgp . 3lge d(pur?)

(2 = ot P ars '

_ Ow dw _ Qmma’L; GM, P _
(3 ECIET Anricmy s +Fd(w Wb

2
Gl4) = dlgn, . 3lge 0 (ngwr?) ;
at P or3
a(s) = 0 (4mr2H)
dr3

If we know (or assume) the boundary conditions, we take 8y;' = 0 at boundary. Solving
matrix equation (54) we are able to get 8y and then 8y;’ and so on to get 8y;. Then we
use equations (50) to get y;), at any variable point w'. If these y;), do not fulfil the
equations (49) yet or do not meet the required accuracy we need to do a second iteration

to calculate the new corrections by the same procedure to obtain the third approximation:

Yij,3 = .ViJ:z + 6Yij p (56)

and so on. In these consecutive iterations of this type, the approximate solution can be
improved until either the absolute values of all corrections 8y; or the absolute values of
the right-hand sides in equations (52), drop below a chosen limit. Then we have
approached the solution with the required accuracy. If we adopt m = r, we are going to
have all the values of parameters for all the points from inner radius to outer radius at

time t. Using these parameters, we can solve the detailed radiative transfer problem to get
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the new radiation field. In a time sequence, one can now apply this radiation field and
parameters at time t to the time t + At and repeat the above process to get all the
parameters and radiation field at any radius and at any time. Here we define the time step
At by requiring that the difference of values of J, H, K are less than 1% in two

consecutive times.

2.4.3 A Simple Way to Find J and H

If at each time step, one has to solve the detailed radiative transfer problem, it will be
really time consuming. Therefore a simplified solution of the radiative transfer problem
has been proposed by Yorke (1980) instead of detailed radiative transfer. Thus we need
not solve the detailed radiative transfer problem at each time step (in our calculations, we
solve the detailed radiative transfer problem each ten time steps).

If we multiply both sides of equation (21) by u, we get

1 09I, , 0T, 1 - p? 09I,
M W T T Mo

ext
_o-v

pI, + Bi, - (57)

Integrating the above equation over p and using the definition for K(v) = 1/2],'Lp?dy,

Hv) = 1/2],"Ludy, J(v) = 1/2],'1,dp, equation (57) becomes:

iaHv + a'Kv + 3Kv - Jv = __o,ext:H
v

c Ot or r v (58)

For steady outflows d/dt = 0, so equation (58) can be written as



36

9K, 3K, - J
+ LA ___o,extH .
or r o (59)

By integrating equation (59) over frequency v, we obtain the frequency independent

moment equation as:

_ai(+3K—J
or r

+0,H=0 |, (60)
where oy = [0, %H,dv/,"H,dv is the flux-mean extinction coefficient. By definition of
Eddington factor f = K/J, the following equation is obtained

ET) , 3F-17, gm=9 . (61)
or r

With the definition of an integrating factor:

f,(3 ) f(lr’) )/r/dr/ ,

g(r) =e (62)
equation (61) is simplified to
a—ar lg(r) £fJ] + g(r)o,H=10 . (63)

Assuming a linear functionality of f(r) between r,; and 1, equation (63) can be

integrated as

J(ri) = L J(ry) - r;:f U (r) 13 £(z) “dr (64)
-1 (1) J a+1 ) . T '
g; £

where
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£lry) o

h(r) = f:of"tH(v,r)dv = o,(r)H(z) ,

w _ [ Ly a~3( fj-l)o“l
g = .
J ( r. 1) f.

J-= J
If we know J(ny) (from the outer boundary condition), and for each radius H(x;) and £(r;)
which are calculated from a previous time step, we know h(r;) via the above definition
of h(r); then assuming a linear behaviour of h(r) between r,; and 1, we can find J(r)
recursively from equation (64).
From the above assumption that f(r) is a linear function of r between r;; and 1;, we can

perform the integration of g(r) as:

I(fj - fj"l) + J_‘jfj_l - Ij_lf- «

3 o
g(r) =( 3 )( ”) i, (65)
rj-l r rjfj_l - Ij_lfj_l
so g(r) at radii r; and 1, are
£,
glr;,,) =1 , glr,) = —2=
J J fjgj(l)
Through equation (63), we can get a new H(r;)
1 39 1 T 1 3
H(rj) ='-———G;I-a—r [g(r) £J] =F g; Jj—l__g_—'-l—Jj (fjfj_l) 2, (66)
v

where
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§=\/g(rj) g(rj..l) =\/g(rj) r AT:\/OH(rj) OH(rj—l) (rj - rj-l) .
We can apply these new J(r) and H(r) to equation (17) of dust radiative equilibrium and

the hydrodynamic equations to calculate the new Ty, Ty, 4, p, u and w.

2.4.4 Structure for the Program

Here are the structures of the program, which includes four components: the structures
of the main program, the initial and boundary conditions, the hydrodynamics, and the
radiative transfer.

The structure for the main program:

lMA]NI
1 | | | 1]

|TRAOK || INOUT ||GOGo| | EXTRAP || RGWIND ||M0MEN| | SKCAL || EX || INOUT |

|SKCA” EX H sscALl |HENYEY|| EX “RADTI

THEN THEN THEN
ILOCATE”MIPCUBl I FRIC | FRIC FRIC
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The structure for the initial and boundary conditions:

| | | | | ]

| SSCAL ” ETDMAX ” PLANKF I | GDISTR || PLANKF | l EXTRAP Il EX ||RADT|

| LINTP H MIPCUB || CHECKl

THEN

| ENABSI ” LOCATE || OWIND l , FRIC

The structure for hydrodynamics:

B [ [ [
| [

|THEN|| MOMEN || VISCO | I VISCO || MOMEN || THENl

FRIC FRIC

—




The structure for radiative transfer:

RADT |

|RADIW ” PLANKF || LOCATE || MIPCUB || PLANKF || STUSS || RADPRT |

40
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Chapter 3. Exploring Effects of Parameters

The parameters such as dust condensation temperature T,,,;, mass loss rate M, dust size
a, dust to gas ratio ®, and dust optical properties are very important to our model
calculations, any changes to these parameters affect the model results tremendously.
However, there exist considerable uncertainties in these parameters. It is necessary to
investigate them before doing any model calculations. In this chapter, we are going to
investigate the dust condensation temperature, the range of dust to gas ratio, the effects

of dust size, the dust optical properties and the effects of mass loss rate.

3.1 Dust Condensation Temperature

As mentioned in chapter 1, infrared observations (Merrill 1977) have shown that dust
condenses in the outflows from late-type giants. O-rich giants are observed to form
silicate materials, while C-rich ones form SiC and amorphous carbon and graphite. This
newly formed dust plays an important role in driving the mass loss from giants (Kwok
1975, Tielens 1983, Netszer and Elitzur 1993, Habing et al. 1994). Indeed, the momentum
that the grains acquire from the stellar radiation field and transfer to the gas inferred from
IR observations is comparable to that required to drive the observed gaseous mass loss
(Knapp 1986). Over the last decade considerable efforts have been devoted to
unde;rstanding the formation of circumstellar dust and its influence on red giant envelopes
(Salpeter 1977, Gail et al. 1987, Tielens 1989). Several independent observational clues
strongly suggest that dust is only formed in a stationary layer above the stellar

photosphere (Tielens 1989).



42

Since the shock tube experiments of Gilman (1969) and Friedemann (1969), many
attempts have been made to understand the dust condensation temperature which ranges
from 500 K to 2000 K for different kinds of dust grains. Gilman (1969) and Friedemann
(1969) suggest that SiC would be an early condensate for both Si and C which have high
abundances in evolved stellar atmospheres. Their shock tube experiments showed that
silicon carbide particles (SiC) nucleate homogeneously and grow rapidly in a temperature
range of 1300 K--2000 K. Later, when temperature drops to 1000 K, PAHs (Polycyclic
Aromatic Hydrocarbons) begin to form homogeneously from the gas phase, where they
can deposit onto the grain and form a sootlike turbostratic structure. Thermodynamic
equilibrium calculations for a cooling gas with cosmic composition show that calcium-
aluminum silicates are the first to condense out at about 1400 K, while the majority of
silicon is expected to condense in the form of magnesium silicates at about 1050 K
(Schutte et al. 1989). The small molecular clusters which act as nucleation centers for the
dust grains probably cannot survive the high gas temperature and the shocks in the
extended pulsating photosphere, dust particles can only start to form in a stationary layer.
At this large distance from the star, the temperature will be less than the condensation
temperature of silicate materials (Tielens 1983).

Rowan-Robinson & Harris (1982, 1983a, 1983b) suggest that the condensation
temperature for dust in oxygen-rich M-type stars can range from 500 K to 1000 K, and
for carbon-rich star the condensation occurs mostly at 1000 K by utilizing the method by
fits of model calculations of radiative transfer in the dust shells to the observed spectra

for 153 objects. Volk & Kwok (1987) are able to fit the strength of 10 um silicate feature
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for 467 objects. They obtain thc;, maximum color temperature (the temperature of the
blackbody of which the radiation is used to match the observed fluxes) in the sample of
1700 K with the excéption of three stars and suggest that the dust condensation
temperature is around 1700 K. Gauge, Gail & Sedlmayr (1990) modelled the nucleation
of dust grain in stellar atmospheres using the classical nucleation theory, and suggest that
the condensation temperature is about 1200 K to 1600 K for carbon-rich dust. From the
chemical point of view for oxygen rich star, it is expected that the dust in circumstellar
shells condenses in the expanding and cooling gas of stellar wind at a temperature below
1000 K (Beck et al. 1992).

From above, the estimate range of condensation temperature is from 500 XK to 1700 K.
In our calculations except for comparison to Netzer & Elitzur’s results by using T4 =
850 K (in section 3.3), we use T, = 1000 K, and assume that the dust formation as a
sudden process and that the grains immediately have their final size. Actually the dust
grain formation is probably an episodic event coupled to the stellar pulsation and
influencing the dynamics. As grains travel through the gas, collisions between the grains
and gas will cause some of the atoms to be absorbed onto the grain surface; as the result
the grains will grow in size. On the other hand, when the drift velocity is very large with
respect to the gas, the kinetic énergy of the gas may exceed the surface potential energy
of the grain, and atoms may be knocked out from the grain; the grain will be sputtered
(Kwok 1975). We ignore all these details for we are interested in the effects at large
distances and assume that averaging the events over a pulsation cycle will not seriously

affect the outflow at large distance.
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3.2 Dust Optical Properties--Mie Theory

The dust optical opacity is an essential ingredient that enters the equations as described
in chapter 2. The dust optical properties depend on the chemical composition of particles,
their size, shape, orientation, the surrounding medium, the number of particles, the
polarization state and the frequency of incident radiation. When the dust consists of
silicates in the case of oxygen-rich stars, the optical properties are dominated by the
absorption (or emission) peaks at A = 9.7 ym and A = 18 ym. In the case of carbon-rich
stars, the optical opacity decreases monotonically as a function of wavelength over most
of the infrared range. The relative abundance of heavy elements determines the amount
of mass in grains, and the grain size determines their numbers.

If we assume that the dust grains are of spherical shape, from Mie theory (Biohren &

Huflman 1983) the scattering and extinction cross sections are:

Ooen = —?{7:21 (2n+1)(|a,|? + |by|?) (67)
n=

Oppe = %  (2n+1)Re(a, + By) (68)
n=

where Re(a, + b,) means the real part of a, + by, k = 2w/A,

_my, (mx) Y (X) = ¥, (x) g (mx)

: - - (69a)
my, (mx) & (x) €, (x) Uy, (mx)

n
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_ b, (mx) Y (%) - mp, (%) g, (mx)

b / /
W () Ef (%) = @k, (x) ¥ (mx)

n

(69b)

x = ka = 2ma/A, a is the radius of dust particle, m = Ny/N is the refractive index of the
particle relative to the medium, N,, N are the reflective indices of particle and medium
respectively, N = n + iK, and n, K are optical constants: n = c/v (v is the speed of light
through the medium), K = w(ep)"?, here €, p are electric permittivity and magnetic
permeability respectively; W, (%) = xj,(x), &,(x) = xh,P(x) = x(j,(X) + iy,(x)) with j,(X) =
(m/2x)"2T 1 (%) and y,(x) = (1/2x)"2Y ,,1(X), a5 J,.q0(%) and Y,,;,(x) are Bessel functions
of the first and second kinds.

The efficiencies for extinction, scattering and absorption are defined as:

g
ext —_ sca —_ abs - -
’ Qsca = Oaps = 2! and Oabs = Oext o

2 7 sca'
Ta Ta

If the dust particles are small compared with wavelength, we can expand the various
functions in the scattering and extinction coefficients a, and b, in power series and retain

only first few terms; the extinction, scattering and absorption efficiencies are going to be

2 2 2 _ 4 2
4XIm 1l+_}_c_m 1Ym*= + 27m< + 38 . (70)
m? + 2 15\ m? + 2 2m? + 3

Qext =
0pen = Bxilmz = 1f (71)
sca E m? + 2 !
m? -1 x3 m? -1
= dxIm 1l +4—1Im . 72
Cabe {mz + z}[ 3 {mz + 2}] 72)

If x is sufficiently small, (4x*/3)Im{(m® - 1)/(m* + 2)} — 0, and then the absorption

efficiency is approximately
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2
Oaps = 4XIITI{Z2 " ;} (73)

Therefore, Q,, o X, the absorption cross section G,,, = ®a’Q,, is proportional to the
volume of the particle.

If m?® - 1)/(m® + 2) is a weak function of wavelength over some interval, then for
sufficiently small particles Qu o< 1/A, Q, o= I/A'. If extinction is dominated by
absorption, the extinction spectrum will vary as 1/A; if the extinction is dominated by
scattering, the extinction spectrum will vary as 1/A*. In either case, and in the intermediate
cases as well, shorter wavelengths are extinguished more than longer wavelengths.

The opacity is given by
X (A) = ifQ,x (a)ma?n(a) da, (74)
Pi

where the size distribution function n(a) is the number density of dust particles per unit
grain radius, p; is internal density of dust particle.
When the dust size is very large, the extinction efficiency approaches 2 (Draine & Lee

1984).

3.3 Dust Grain Sizes

There exists considerable uncertainty regarding the sizes of grains in the expanding
shells. Papoular & Pegourie (1983) find that these grains might be larger than interstellar
grains (0.3 ym) and Snow et al. (1987) suggest that they are not smaller than 0.05 pm

and could be as large as 0.3 ym. Netzer & Elitzur (1993) suggest that optical properties
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of dust are independent of the grain size for small dust grains and that the larger grains
(0.3-1.0 ym) seem impossible. Our results enable us to find the effects of the dust size
by utilizing the compilation by Loar & Draine (1993) for optical properties of
astronomical silicates and graphite.

Figure 3.1 displays the terminal velocity distributions of the gas and dust along with
their difference, the drift velocity, as a function of grain size for oxygen-rich and carbon-
rich stars. The parameters used here are M, = 3.0 M,, L. = 5%10* L, T = 2500 K, @,
=' 5%10%, M = 10° M_/yr for oxygen-rich stars and M, = 3.0 M, L. = 5.6x10* L, T.;
= 2000 K, ®, = 1.5x10%, M = 10° M_/yr for carbon-rich stars (the condensation

temperature T, = 850 K). Comparing to the typical terminal velocity for gas from

observations (10-20 km/s, generally < 30 km/s), the dust size can be anything less than
0.15 um as shown in Figure 3.1.

Figure 3.1 shows us that when dust size a < 0.05 pm, the gas velocity decreases a little,
the dust velocity increases a little. As the dust size increases from 0.05 pm to 0.3 um for
graphite, and to 0.4 um for silicafe, the gas velocity increases. When the dust size
increases further more, the gas velocity drops again. For the dust, whe;1 dust size
increases from 0.05 pm to 0.4 pm for graphite, and to 0.6 ym for silicate, the dust
velocity increases a lot; as the dust size increases further, the dust velocity drops.

The dependence on grain size for gas and dust velocities can be understood when we

check the extinction efficiencies in equations (71) and (72) and the forces acting on the

dust and gas described on section 2.1 to 2.4. The acceleration of the dust grains are:
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FIGURE 3.1 Terminal gas, dust and drift velocities vs grain size a for (a) carbon stars
assuming graphite grains with M= 10° M/yr, L.= 5.6x10*L,, M.= 3 M,, ®,=1.5x10?,
Toona= 850 K and T,,= 2000 K and (b) oxygen stars assuming silicate grains with the

same M., M, T, and L. = 5x10* L,, ®, = 5x10® and T, = 2500 K.
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FIGURE 3.2 Terminal gas outflow velocity as function of dust size with different mass

loss rate for (a) carbon stars and (b) oxygen stars. The parameters used here are the same

as in Figure 3.1 except the mass loss rate as indicated inside the diagram box.
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nazQ 2 . 1
r = —zFL* ag, = —12- Y (w-u) g+ (u-w)?2|2,
dnrimye mg 4mriu it
the acceleration of gas are
2 ' 8kT 2
8gc = na’ oM (w-u) I+ (w-u)?|?, a,= _10(P+Q)
my Anriu U Uiy, p Or

The common term a, = -GM, /r* (the gravitational deceleration) can be ignored as for
different dust size it has the same effect. For very small dust size a < 0.05 pm, by
inspecting equations (71) and (72), we can see that Q,,, is more important than Q,,,, and
Q. is dominated by Q,,, and Q,,, o a. So the radiation force acting on the dust grain a,
is constant, the drag force on dust from coupling effects a,, and the force on gas from
coupling effects a,, are proportional to 1/a (for m, = 4/3ma’p;) and the drift velocity does
not increase too much. From these behaviors of a,, a4, and a,, we know that when the
dust size increases the dust velocity increases a little and gas velocity decreases a little.
This decrease of the gas velocity at small dust size is more obvious when the mass loss
rate M is small as shown in Figure 3.2, which has the same parameters as in Figure 3.1
except that the M = 10" M/yr instead of 10 M/yr. The smaller the M, the higher the
drift velocity (see section 3.4). As dust size increases, the extinction from scattering
becomes important and the radiation pressure on dust will increase (for Q,, =< a%); as in
the plots, the drift velocity increases a lot, so the gas velocity will increase as well for the
coupling term is a second order function of (w-u).

When the dust size becomes very large, the total extinction efficiency Q. = 2.0, the

radiation pressure a, o< 1/a, so the dust velocity will decrease and the drift velocity will
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The Distribution of Radiation Acceleration for Carbon—rich Stars
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FIGURE 3.3 The distribution of radiation acceleration on dust as the functions of radius
with different dust size for oxygen-rich and carbon-rich stars. The parameters used here

are the same as in Figure 3.1.
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The Distribution of Friction Acceleration for Carbon-rich Stars
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FIGURE 3.4 The distribution of coupling acceleration on gas as the functions of radius
with different dust size for carbon-rich and oxygen-rich stars. The parameters used here

are the same as in Figure 3.1.
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decrease, so will the gas velocity.

The radiation acceleration and the coupling effects are plotted in Figures 3.3 and 3.4 as
the function of radius at different dust size. The parameters used here are the same as in
Figure 3.1. These plots show that a, and a,, are the largest when a = 0.3 pum for carbon-
rich stars and a = 0.4 pm for oxygen-rich stars; and a, is the same when a is 0.01 um and

0.03 pm.

3.4 Mass Loss Rates

As the mass loss rate is changed, the density inside the shell will be changed as
indicated in equation (20) and this results in the optical depth, the spectrum distribution
and the terminal velocity of the outflow changing as in Figures 3.5, 3.6a, 3.6b and 3.7.
The parameters used here are T, = 2500 K, L. = 5x10* L, M. = 5 M, ®, = 5x10” for
oxygen-rich stars and T, = 2000 K, L. = 5.6x10* L, M. = 5 M,, ®, = 1.5x10? for
carbon-rich stars and the dust grain size a is 0.05 pm.

From Figure 3.5, we notice that the optical depth at A = 10 pm always increases as M
increases. This is because the dust density increases when M increases. From Figure 3.6,
we know the spectrum peak shifts from short wavelengths to long wavelengths. The
feature at A = 9.7 pm is changed from emission to absorption as M increases for oxygen-
rich stars as in Figure 3.6b. This is because the more dust particles, the more UV photons
are absorbed and re-emitted at infrared wavelengths. And as the number of dust particles
increased, the optical depth is increased, so the feature at A = 9.7 um will change from

emission to self-absorption.
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FIGURE 3.5 The optical depth at A =10 um as a function of mass loss rate for (a)

carbon stars with graphite grains (a=0.05 ym) when L. = 5.6x10* L,, M.= 5 M,, ®,=

1.5%10%, T,,,o= 1000 K and T,;= 2000 K and (b) oxygen stars with silicate grains (a =

0.05 ym) when L. = 5x10* L,, ®, = 5x10%, T, = 2500 K and the same M, and T,



The Emergent Spectrum Distribution for Carbon-rich stars

(normalize to 1kpc)
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FIGURE 3.6a The emergent spectra for carbon-rich stars with graphite grains at

different mass loss rates from 8x107 to 5x10* My/yr. The parameters used here are the

same as in Figure 3.5.



56

The Emergent Spectrum Distribution for Oxygen—rich stars (normalize to 1kpc)
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FIGURE 3.6b The emergent spectra for oxygen-rich stars with silicate grains at
different mass loss rates from 2x10°° to 5x10* M,/yr. The parameters used here are the

same as in Figure 3.5.
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In Figure 3.7, it is shown that the terminal velocity increases as M increases from
several 107 M,/yr to 10° M,/yr, and decreases as M increases beyond 10° M /yr. The
dust velocity always decreases as M increases. We can explain the velocity distributions
of gas and dust by investigating the forces acting on the dust and gas once more. As
shown in section 3.3, acceleration due to the radiation on dust grain in the form of
acceleration a, is proportional to the flux-mean extinction efficiency Qp. As shown in
Figure 3.6, when M is increased, the spectrum is shifted from short wavelengths to long
wavelengths, and we know from equation (70), Q,,, decreases as A increases. So, when
M is increased the flux-mean extinction efficiency Qg will decrease, this will cause the
radiation pressure a, to be decreased as shown in Figure 3.8a. As the result the dust
velocity will be decreased.

The pushing force on gas due to the interaction effect from the dust, a,, as noted in
section 3.3, is proportional to M. When M increases, the gas velocity will increase. But
as M continues to increase beyond 10° M /yr, the drift velocity decreases (because the
dust velocity decreases), and a,, is a second order function of (w-u), so the gas velocity
will decrease. Figure 3.8b gives a demonstration of the behavior of a,,. We conclude that
it is possible to have a low gas terminal velocity at high mass loss rate for both carbon-
rich and oxygen-rich stars.

The results obtained here in Figure 3.7 are different from the those of Netzer and Elitzur
(1993) for oxygen-rich stars, where they found that the terminal velocity of oxygen-rich
star did not decrease with M for high mass loss rate. They explained that the radiation

pressure increased with M. This is not true as demonstrated in Figure 3.8a. The other
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FIGURE 3.7 The terminal outflow gas, dust and drift velocities as functions of mass
loss rate for (a) carbon-rich stars with graphite grains and (b) oxygen-rich stars with

silicate grains. The parameters used here are the same as in Figure 3.5.
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The Distribution of Radiation Acceleration for Carbon-rich Stars
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FIGURE 3.8a The distributions of radiation acceleration for different mass loss rates.

The parameters used here are the same as in Figure 3.5.
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The Distribution of Coupling Acceleration for Carbon-rich Stars
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FIGURE 3.8b The distributions of coupling acceleration for different mass loss rates.

The parameters used here are the same as in Figure 3.5.
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thing we want to mention here is that on the calculations of Netzer and Elitzur (1993) and
Habing et al. (1994) they did not include the effect of gas pressure which is very
important for the gas terminal velocity (Steffen & Szczerba et al. 1995).

Since the pushing force a,, is decreasing as M is decreasing when M is small, as
mentioned above, there must be a lower limit-on the mass loss rate that can be driven by
radiation pressure on dust. Similar mass loss rate limits were obtained by Kwok (1975),
Netzer and Elitzur (1993). Table 3.1 lists the results of present work with ®, = 5x107
along with the results obtained by Kwok (1975), and Netzur and Elitzur (1993).

TABLE 3.1 The Minimum Mass Loss Rates (in the unit of M//yr)

M* L* Teff a Mmin Mmin Mnin
(M,) Ly (K) (um) (Kwok) | (NEX) (This one)
1 10* 2000 0.15 5.5%107 1.5x107 2.0x107
5 10° 2000 0.11 1.8x10° 4.0x107 6.5x107
5 10° 3000 0.06 9.8x107 2.0x107 3.5%107
25 10° 2000 0.08 6.0x10° 1.5x10°¢ 2.0x10°
25 10° 3000 0.045 3.1x10¢ 5.0x107 9.0x107
25 10° 5000 0.02 1.6x10°¢ 1.5%107 2.5%107

Note: * N.E. is the abbreviation for Netzer and Elitzur.

3.5 Dust to Gas Ratios
A parameter with a very important impact on the solutions is the dust to gas ratio. There
exists a considerable uncertainty in this parameter. The expression for dust to gas ratio

according to Kwok (1975) can be written as
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® = Pa_ Avf u (75)

p W
where A is the molecular weight of a grain, p is the mean molecular weight of gas, f is
the fraction of grain material condensed, y is the relative abundance of the grain material.
If we assume grain material is totally condensed (f = 1), we can find the rest (vy, = 0)

dust to gas ratio
o, = &7, (76)

If we can find the relative abundance of the grain material, we can find the rest dust to
gas ratio.

Lambert et al. (1986) determine the CNO relative abundances for carbon stars by using
the new model atmospheres to analyze high resolution infrared spectra as in Table 3.2.
In the Table, the abundance [g] = log,¢ - log,€, and the solar values used here are:
log,,e(C) = 8.67, 1og,,e(0) = 8.92, log;,e(H) = 12.0, and the last column is the dust to gas
ratio calculated according to equation (76) with p = 2.3 and A = 12.

From Table 3.2, we notice that the dust to gas ratio for carbon-rich stars can range from
1.4x10* to 2.1x107,

Olosson, Erikson and Gustafsson (1987) have surveyed a sample of bright N-type stars
(cool carbon stars) and estimated the dust to gas ratio to be 1/(350+200) by using the
simple model of Sopka et al. (1985). Volk and Kwok (1992) use 0.003 as the dust to gas
ratio for fitting the LRS spectrum for extreme carbon stars. Gehrz (1989) determine the

dust to gas ratio for oxygen-rich stars to be roughly from 3x107 to 10?2
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TABLE 3.2 Stellar Parameters From Lambert et al. (1986)

star To [2C+C/H] [*0/H] @,
AQ Sgr 2650 0.12 -0.14 1.4%x10*
BL Ori 2960 -0.02 -0.29 2.0x10™
R Lep 2390 0.24 -0.02 1.9x10*
R Scl 2550 -0.21 -0.59 7.5%10%
RT Cap 2620 0.10 -0.19 5.2x10%
RV Cyg 2600 0.17 -0.16 1.2x103
RY Dra 2500 -0.06 -0.38 6.1x10%
S Sct 2895 0.17 -0.11 4.6x10™
ST Cam 2800 0.08 -0.23 7.3x10™
T Lyr 2380 -0.14 -0.50 7.6x10%
TU Gem 2770 -0.03 -0.36 7.3x10*
TW Oph 2450 0.07 -0.27 1.0x10°
TX Psc 3030 -0.27 -0.10 2.1x10%

Figure 3.9 shows the plots of terminal velocity distributions for gas and dust as the
function of rest dust-to-gas ratio ®,, Figure 3.10a and Figure 3.10b show the emergent
spectra for different dust to gas ratios. The parameters used here are T, = 2500 K, L. =
5%10* Lo, M = 5 M, M = 5x10° M/yr for oxygen-rich stars and T, = 2000 K, L. =
5.6x10* L, M = 5 M,, M = 5x10° M_/yr for carbon-rich stars and the dust grain size
a is 0.05 pm.

We find from Figure 3.9 that the dust-to-gas ratio could range from 2x10™* to 5x107 for
carbon-rich stars and from 2x10” to 2x10% for oxygen-rich stars for the velocities to be

consistent with the observations. We also notice in Figures 3.10a and 3.10b that the
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emergent spectra shift from short wavelengths to long wavelengths, and the feature at A
= 10 um in Figure 3.10b changes from emission to absorption. These occur because when
@, is increased, the number of dust particles is increased, then the more UV photons are
absorbed and re-emitted at long wavelengths and the optical depth is increased, bringing
the feature at A = 9.7 um from emission to self-absorption.

As we compare these spectrum distribution plots (Figures 3.10(a-b)) to those in Figures
3.6(a-b), the conclusion can be drawn that the spectra can be shifted from short
wavelengths to long wavelengths for both carbon-rich and oxygen-rich stars and the
feature at 9.7 um changes from emission to self-absorption for oxygen-rich stars by
increasing either the mass loss rate or the dust to gas ratio. The optical depth at 10 um

for changing from emission to self-absorption is about 4.0.
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FIGURE 3.9 The terminal gas, dust and drift velocities vs dust-to-gas ratio for (a)

carbon stars assuming graphite grains (a = 0.05 pm) with M = 5x10° M/yr, L. =

5.6x10* L, M.=3 M,, T.,.,= 1000 K and T, = 2000 K and (b) oxygen stars assuming

silicate grains (a = 0.05 pm) with the same M.,

2500 K.

M, T, and L. = 5x10* L, and T, =
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The Emergent Spectrum Distribution for Carbon-rich stars (normalize to 1kpc)
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FIGURE 3.10a The emergent spectra for carbon-rich stars with graphite grains at
different dust-to-gas ratios from 2x10* to 2.1x107%. The parameters used here are the same

as in Figure 3.9.
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FIGURE 3.10b The emergent spectra for oxygen-rich stars with silicate grains at

different dust-to-gas ratios from 1.5%10 to 5.0x102 The parameters used here are the

same as in Figure 3.9.
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Chapter 4 Model Results

The calculations in chapter 3 for the comparison to the results obtained by Netzer and
Elitzur (1993) simply use L. = 5.0x10* L, and L. = 5.6x10* L, as the luminosities for
oxygen-rich and carbon-rich stars respectively. Both observations of M stars in external
galaxies (Richer and Crabtree 1985, Pritchet et al. 1987) and the model calculations by
Bryan, Volk and Kwok (1990) show that Iuminosity function peaks at M, = -4.3
(absolute bolometric magnitude, equivalent to 4.3x10° L,) and has a long tail extending
to M,, = -7.0. Surveys of carbon stars in the Magellanic clouds show a luminosity
function peaked at M,,; = -4.8 and no carbon stars seen with M,; < -6.0 (Cohen et al.
1981; Wood, Bessel & Fox 1983; Wood 1987). If L. = 5.0x10* L, and L. = 5.6x10* L,
are used for oxygen-rich and carbon-rich sample star calculations, it would be contrary
to the observations. So we have to seek the luminosity and other stellar parameters which

are close to the observations.

4.1 Stellar Parameters of Mode] Calculations

Let us define the first helium flash (thermal pulse) as the zero point in time (t = 0), and
mass loss is assumed to begin at this point. The initial core masses [M,(0)] for low-mass
(1-3 M,) stars have been calculated by Boothroyd and Sackmann (1988b). The
corresponding values for higher mass stars (3-9 M,) are given by Iben and Renzini
(1983). In order to join'the two regions to gether, we have adopted the following formulae

interpolated by Bryan, Volk and Kwok (1990) in solar mass units:
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M, (0) 0.483+0.021M, (0) 1.25<M,(0)<3

M, (0) \? (76)
0.546+0.087( *3 ) -1

M_(0)

3<M,(0)<9.

During the interpulse period (the period between two consecutive pulsations), the stellar
luminosity can be approximated by a core mass-luminosity relationship (Paczysiski 1971).
The following empirical formulae are adopted based on the core mass-luminosity

relationships given in Boothroyd and Sackmann (1988a):

. = 38480 (M, - 0.434),  0.434<M_<0.519

52000 (M, - 0.456), 0.519<M_<0.775

*

(77)

L
L
L, = 59250 (M, ~ 0.495),  0.775<M.<0.900
L, = 65000 (M, - 0.543), 0.900<M<1.41 ,

where the units for M, and L. are M, and L, respectively. Since mass of the core
increases as the result of the nuclear burning, the rate of change in the mass of the core

can be expressed in the unit of M/yr as (Bryan, Volk & Kwok 1990)

M, = (L,/xE;) = a(M, - b) , (78)

where x = 0.7 is the hydrogen mass abundance, By = 6x10" ergs is the energy released
by converting 1 g of hydrogen to helium, and a and b are constants. By substituting
equation (77) into equation (78), the equation (78) can be integrated to obtain the core

mass with time as

M_,=Db + (M, (0) - b)e? M/yr. (79)

We also have adopted the following mass loss formula from Bryan, Volk and Kwok

(1990)
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M= -1.15x107**[M,(0)2? - 10.6M,(0) - 10.2]L,R.M,* Myr™, (80)

where the star mass M. ranges between 1.25 M, and 8 M,; R. is the radius of the star.

Then the mass of the star at time t is
t.,
M, (£) = M,(0) —fo Mt de’ . (81)
Once we get the total mass, the effective temperature (T,g) of the star can be obtained
from Wood and Cahn (1977):

1g(T,.e) = [101.49 - 2.51g(L,) + 0.533M,]1/26.64 . (82)

Then the radius of the star can be obtained from

R, (t) = / (83)

L(t) 13
4750Te4ff( t)

where ¢ is the Stephan-Boltzmann constant.

In the following calculations, we use these formulae to estimate the mass, luminosity,
effective temperature and the mass loss rate of the star. You may wonder whether the
time dependent parameters can be used in the time independent steady state model
calculations. The lifetime of an AGB star is about 10° years, much longer than the time
of 3x10° years during which the gas moves from the inner radius to the outer radius (10"
cm) if the average outflow speed is assumed to be 10 km/s. So we can reasonably assume
that the stellar parameters will not change much during the time of model calculations and

that the results of steady state model calculations are good approximations.
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4.2 Sample Calculations of AGB Stars

After investigating the stellar parameters (section 4.1) and their effects (chapter 3), we
are ready to carry on the sample calculations of the star by using our model.

By using the stellar parameters based on the above formulae from (76) through (83), the
calculations have been performed for the circumstellar envelopes of sample stars. Stars
which are used to compare with the models are listed in Table 4.1 and Table 4.2 (Netzer
& Elitzur 1993) for oxygen-rich and carbon-rich stars respectively. R in Tables 4.1 and
4.2 is the abbreviation for the word "reference”.

TABLE 4.1 Oxygen Star Mass-Loss Rates and Terminal Velocities From Observations

Star M V, R Star M v, R
(My/yr) | (km/s) M/yr) | (km/s)

IRC+40004 2.7x10° | 242 1 | CRL 278 | 4.2x107 7.6 2
IRC+10011 1.4x10° | 23.0 1 | TCas 5.6x10° 52 2
IRC-30023 1.4x10° | 11.6 2 | CIT4 6.4x10° | 122 3
IRC+30021 8.0x10° | 13.0 3 | R Hor 2.1x107 6.6 4
IRAS18467-4802 | 3.8x10° | 11.0 4 | VEn 42x107 | 13.0 2
IRAS21554+6204 | 2.1x10° | 12.6 2 | R Aur 1.0x10°¢ | 10.9 1
IRAS22272+5435 | 6.3x10° | 11.6 3 | V Cam 8.0x107 | 122 6
IRS+60427 5.8x10° | 19.0 4 | GXMon | 1.9x10° | 18.7 2
IRC+40483 8.2x10° | 18.0 1| VYCMa |22x10° | 359 2
IRC-10529 1.5x10° | 15.8 1 | YLyn 3.0x107 | 54 5
IRAS20028+3910 | 1.1x10° | 10.5 2 | RS Cne 6.3x107 | 5.3 1
CRL 68158 5.0x105 | 25.1 10 | EP Aqr 5.7x107 | 8.6 2
RT Cep 4,5x10° | 18.5 11 | TW Peg 4,0x107 9.5 2
CRL 2999 55x10° | 17.6 | 10 | SV Peg 1.0x10° 11.0 10
R Cas 8.6x107 | 12.3 1 | VPsA 6.9x107 | 21.0 4




TABLE 4.1 Continued
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IRC+10420 3.0x10* | 51.7 1 | RLMi 3.2x107 | 6.0 9
IRC+30404 1.1x10° | 15.0 4 | IW Hya 5.2x10° | 14.0 2
IRC+50137 6.5x10° | 14.7 1 { RLeo 9.2x107 | 6.5 9
IRC+60154 1.1x10° | 19.9 2 | RCrt 6.9x107 | 11.0 2
IRC+70066 1.1x10° | 21.1 1 | BK Vir 1.4x107 | 4.7 6
IRC+60169 6.3x10° | 16.9 1 | RT Vir 1.6x10° | 84 10
IRAS07134+1005 | 1.8x10° | 10.0 3 | SW Vir 3.2x107 | 94 11
IRC-30163E 2.2x107 | 8.0 2 | R Hya 6.9x10% | 7.5 5
TX Cam 3.0x10° | 16.9 5 | W Hya 1.1x107 | 9.7 5
CRL 2477 9.2x10° | 224 6 | RX Boo 9.2x107 | 7.8 9
IRC+4019 2.1x10° | 19.8 7 | WX Ser 1.4x10° | 11.5 7
IRC20101 9.4x10° | 20.0 8 | X Her 1.1x10° | 8.8 2
IRAS093714+1212 | 2.1x10° | 25.0 8 | CRL 1822 | 2.9x10° | 142 4
NGC 6302 LIx10* | 225 6 | 30g Her 1.9x107 | 7.5 2
161796 1.5x10° | 11.5 8 | MW Her 6.5x10° | 23.3 3
IRC+10365 6.3x10° | 16.7 1 | CRL 5397 | 7.9x10° | 20.5 10
IRC+10374 52x10° | 18.5 3 | 89 Her 8.0x107 | 44 8
1943 Sag 1.9x107 | 8.0 4 | VX Sag 1.3x10°5 | 30.0 4
CRL 2343 1.6x10* | 33.0 8 | RS Cra 7.0x10° | 20.7 10
CRL 2362 4.6x10° | 220 |10 | R Aql 1.0x107 | 10.1 5
IRC 30398 7.7x10° | 132 10 | VY 22 2.4x10° | 12.1 1
3880 Sag 1.5x10% | 222 | 10 | M1-92 3.1x10° | 25.5 7
NML Tau 4.5x10° | 22.0 1 | GY Aql 6.2x10° | 11.5 5
IRC+80040 1.5x10° | 12.0 | 11 | RR Aql 2.9x107 | 74 2
CRL 2646 2.8x10° | 154 6 | T Cep 8.6x10% | 5.0 6
IRAS16105-4205 | 1.5x10° | 14.0 | 10 | UU Peg 7.4x107 | 13.5 6
RU Cyg 1.1x10° | 142 6 | uCep 3.4x107 | 10.0 12
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TABLE 4.2 Carbon Star Mass-Loss Rates and Terminal Velocities From Observations

Star M v, R Star M v, R
M,/yr) | (km/s) M,/yr) | (km/s)

IRAS00210+6221 | 3.2x10° 13.0 13 | Z Psc 6.1x10® 35 | 14
IRC+60041 1.3x10° | 233 6 | CRL 190 6.8x10° 197 | 2
IRAS02152+2822 | 2.3x10°¢ 8.9 6 | RSc 42x10° | 17.6 | 15
IRC+60144 1.1x10° 20.4 1 | RFor 1.0x10° 200 | 15
IRC+50096 5.5x10°% | 16.8 1 | CRL 341 1.7x10° 142 | 3
IRAS04530+4427 | 4.0x10° | 208 16 | TW Hor 8.0x10°® 53 | 15
IRAS05104+2055 | 1.1x10% | 252 | 16 | CRL 482 | 1.7x10° 160 | 1
IRAS05136+4712 | 5.7x10° | 14.7 16 | U Cam 1.6x10° | 220 | 3
NGC 2346 1.0x10° 19.0 7 | CRL 5102 | 4.9x10° | 133 | 2
CRL 1058 1.1x10° | 238 2 | CRL 618 | 7.7x10° | 215 | 1
IRAS07217-1246 | 2.4x10° | 24.9 16 | ST Cam 1.8x107 100 | 14
IRC-20131 8.7x10¢ 255 6 | RLep 4,5%107 9.8 2
IRAS07582-1933 | 4.6x10° | 14.6 16 | W Ori 1.2x107 109 | 17
IRAS08045-1524 | 1.4x10° | 137 | 16 | S Aur 14x10° | 165 | 3
IRAS08074-3615 | 2.1x10° | 17.3 10 | CRL 809 | 1.7x10° | 300 | 7
CRL 1235 24x10° | 207 2 | W Pic 1.1x107 70 | 15
IRAS11308-1020 | 2.5x10° | 11.0 | 16 | Y Tau 41x107 | 107 | 15
IRAS15194-5115 | 6.9x10° | 23.3 4 | CRL 865 | 2.3x10° 153 | 1
S Sct 7.6x107 19.9 15 | IRC+40485 | 3.4x10° | 149 | 1
IRC+10401 1.5x10° | 174 3 | SCep 24x10° | 224 | 2
V Aql 1.6x107 8.2 14 | V460 Cyg | 3.4x107 114 | 14
V1942 Sag 1.7x107 100 | 15 | RV Cyg 5.2x107 147 | 14
IRC-10502 44x10° | 225 2 | PQ Cep 2.0x10° | 217 | 3
UX Dra 1.5x107 6.9 14 | CRL 2901 | 1.7x10° | 342 | 3
AQ Sag 1.8x107 6.0 4 | CRL2985 |2.3x10° | 192 | 6




TABLE 4.2 Continued

CPD-568032 1.6x10°¢ | 17.0 4 | TU Gem 5.2x107 114 | 14
IRAS17217-3916 | 1.4x10° 8.8 16 | CRL 933 | 2.3x10° | 258 | 6
IRAS17376-3021 | 4.9x10° | 103 16 | CRL 935 3.6x10°¢ 129 | 3
IRAS17581-1744 | 4.4x10° | 16.1 16 | CRL 954 | 5.8x10° | 214 | 3
IRAS18248-0839 | 1.9x10° | 16.1 16 | UU Aur 4.5%107 115 | 2
IRAS18269-1257 | 7.6x10° | 23.5 16 | CRL 971 6.3x10° 90 | 2
IRAS18424+0346 | 5.1x107 | 20.0 18 | CL Mon 25x10° | 270 | 6
IRAS19068+0544 | 1.6x10° 20.5 16 | W CMa 2.7x107 117 | 15
IRAS19346+1209 | 1.7x107 12.0 18 | R Vol 1.7x10° 193 | 15
TRAS1945442920 | 1.4x107 14.0 8 | CRL 5250 | 1.7x10° 161 | 2
IRAS19475+3119 | 2.3x10° 17.0 8 | X Cnc 2.2x107 120 | 14
IRAS1947742401 | 1.7x10° | 12.5 13 | CRL 5254 | 6.4x10° 128 | 2
IRAS20435+3825 | 1.4x10° | 20.6 16 | IRC+10216 | 5.5x10° 152 | 1
IRAS20532+5554 | 2.9x10° | 114 | 16 | Y Hya 2.3x107 102 | 15
IRAS21003+4801 | 6.9x10° | 14.8 6 | X Vel 1.7x107 8.6 | 15
IRAS21147+5110 | 1.1x10* | 115 18 | CIT 6 2.3x10° 169 | 1
IRAS21223+5114 | 1.3x10% | 20.6 16 | IRC-10236 | 4.7x10°° 109 | 1
IRAS21282+5050 | 1.4x107 18.0 19 | U Ant 8.7x107 | 212 | 15
IRAS21373+4540 | 1.1x10° | 147 16 | U Hya 4.9x107 107 | 2
IRAS21449+4950 | 2.9x10° | 14.6 16 | VY UMa | 1.1x107 84 | 14
IRAS21489+5301 | 1.5x107 22.3 2 | V Hya 4.5x10° 240 | 6
IRAS22303+5950 | 5.4x10° | 18.3 16 | Y CVn 7.1x10° 63 | 2
IRAS23268+6854 | 1.2x10° 8.0 13 | RU Vir 9.5x10° 169 | 1
IRAS23279+5336 | 1.1x10 8.8 16 | RY Dra 3.3x107 13.0 | 17
TRAS23321+6545 | 5.2x10° 15.0 4 | CRL 4211 | 2.3x10 205 | 4
IRC+40540 2.4x107 14.7 1 | XTrA 1.4x107 92 | 15
CRL 1922 9.5x10°¢ | 16.6 3 | VCIB 2.7x107 6.5 3
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V463 Sco 8.4x10° | 25.6 6 | CRL 2417 | 3.4x107 | 244 | 2
IRC+20326 2.3x10% | 175 1 | 163075 3.7x10° | 11.0 | 8
T Dra 1.3x10¢ | 14.0 1 | CRL 2494 | 8.0x10° | 200 | 2
FX Ser 8.6x10° | 27.0 6 | RT Cap 1.0x107 9.1 | 15
CRL 2135 1.3x10° | 23.0 7 | VCyg 27x10° | 140 | 17
CRL 2154 1.Ix10% | 27.0 3 | CRL 2686 | 5.8x10° | 235 | 2
CRL 2155 1.7x10° | 15.1 1 | CRL 2688 1.6x10* | 19.7 | 1
T Lyr 1.1x107 | 122 | 17 | RV Aqr 22x10° | 161 | 15
CRL 2199 1.3x10° 8.0 1 | V1549 Cyg | 4.6x10° | 114 | 6
IRC+20370 9.3x10¢ | 15.6 | 10 | NGC 7027 | L.iIx10* | 179 | 1
IRC+00365 1.5x10° 34.5 3 | TInd 8.0x10°® 55 | 15
CRL 2259 1.5x10% | 218 3 | Y Pav 1.8x107 94 | 15

References on the Tables: (1) Knapp & Morrice (1985); (2) Zuckerman & Dyck
(1986a); (3) Zuckerman et al. (1986); (4) Knapp et al. (1989); (5)Wannier & Sahai
(1986); (6) Zuckerman & Dyck (1989); (7) Knapp (1986); (8) Likkel et al. (1987); (9)
Knapp et al. (1982); (10) Zuckerman & Dyck (1986b); (11) Knapp (1991); (12) Leborgne
& Mauron (1989); (13) Arquilla, Leahy & Kwok (1986); (14) Olofsson et al.(1987); (15)
Olofsson et al. (1988); (16) Rieu et al. (1987); (17) Jura et al. (1988); (18) Leahy, Kwok
& Arquilla (1987); (19) Likkel et al. (1988).

It is generally believed that the formation of carbon-rich stars is due to helium shell
flashes during the AGB stage of evolution cause carbon to be produced and dredged up
to the surface. This occurs when the convective envelope in the outer hydrogen shell
reaches into the region between the C-O core and the hydrogen shell (Iben 1981;

Boothroyd & Sackmann 1988c and Bryan, Volk & Kwok 1990). Once the abundance
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ratio of [C/O] > 1 the star changes from oxygen-rich to carbon-rich. But when and how
this change happens are not considered here; if you are interested please refer to Iben
(1981), Boothroyd & Sackmann (1988c), Chan and Kwok (1990), Bryan, Volk & Kwok
(1990), and Kwok & Chan (1993). In our model calculations, we calculate stars with the
same initial mass M.(0) at different time t (therefore with different star masses) for
oxygen-rich stars and the same star mass with different initial masses for carbon-rich
stars. Figure 4.1 shows the terminal gas outflow velocity versus mass loss rate for carbon-
rich and oxygen-rich stars.

Figure 4.1 shows that the model results are consistent with the observations. It also
shows that the velocity increases when M is less than 10" M /yr and decreases when M
is higher than 10 M,/yr. These are consistent with the results from section 3.4 although
the luminosity and temperature of the star is changing here along with M according to the
semi-empirical formulae (76) through (83). This means that it is possible to have low
outflow velocity at very late times during the AGB phase.

Figures 4.2(a-e) show the gas velocity profiles for both carbon-rich and oxygen-rich
stars for different parameters which are listed in Table 4.3.

Figures 4.2 show us that the velocity profiles are changing very rapidly out to 50 stellar
radii and changing very little beyond 100 stellar radii. These mean that the density
profiles are very different from the inverse square power law (p o r?) for the first 50
stellar radii and very similar to the inverse square power law after 100 stellar radii

according to the equation (20).
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FIGURE 4.1 The terminal gas outflow velocity versus mass loss rate: (a)carbon stars;
(b)oxygen stars. The parameters for model calculations are listed in Tables 4.3(a-e). The

filled triangles are from observations which are listed in Table 4.1 and Table 4.2.



TABLE 4.3a The Parameters for Carbon-rich Stars (M.=2.5 M,)

78

M, T L. M @,=0.002 ®,=0.001 panel

M) | K Lo) | (Mfyr) on
T1o u T10 u Figures
' (km/s) (km/s)

3.0 3190 6177 9.3x107 | .004 | 16.1 004 | 109 (a)
3.5 3094 8556 1.9x10° | .008 | 19.6 007 | 159 (b)
4.5 2964 13549 | 4.8x10° | .017 | 223 014 | 192 (c)
5.0 2913 16368 | 6.7x10° | 022 | 229 018 | 20.0 (d)
6.0 2813 23707 | 1.2x10° | .033 | 24.0 028 | 214 ()
7.0 2727 32966 | 2.1x10° | 051 | 24.3 | .043 | 220 ®

TABLE 4.3b The Parameters for Carbon-rich Stars (M.=1.5 M,)

M, Tete L. M ®, Ty u panel on
(M) X (L) (M,Jyr) (km/s) | Figures
2.0 3089 5351 7.4x107 | 0.001 .003 9.2 (@)

3.5 2926 9545 4.1x10° | 0.001 012 15.0 (b)

4.5 2822 14040 9.2x10° | 0.001 024 16.0 (©)

5.0 2775 16773 1.3x10° | 0.001 033 16.3 d

6.0 2690 23873 2.2x10° | 0.001 047 17.0 ()

6.5 2581 28000 5.0x10° | 0.001 110 15.5 ®
TABLE 4.3c The Parameters for Oxygen-rich Stars (My=1.5 M,)

M. T L. M ®, Ty u panel on
(M) X) (Lo) (M//yr) (km/s) | Figures
1.30 3112 4435 3.2x107 | 0.008 36 9.33 (a)
1.16 3062 5000 4.3x107 | 0.008 37 14.4 (b)
1.00 3010 5520 6.0x107 | 0.008 40 17.4 (c)




Table 4.3¢ continued
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0.82 2961 6000 8.6x107 | 0.008 53 19.6 ()
0.70 2935 6230 1.1x10° | 0.008 55 20.6 (e)
TABLE 4.3d The Parameters for Oxygen-rich Stars (M,=3.0 M,)

M. Tose L. M o, 7, u panel on
(M) K | @) (M/yr) (km/s) | Figures
2.4 3173 6330 1.0x10° | 0.008 1.3 59 (a)
1.7 3022 7470 2.0x10° | 0.008 1.2 17.5 (b)
1.5 2982 7700 2.5%10° | 0.008 14 18.8 ()
1.1 2928 7935 3.5x10° | 0.008 1.8 20.0 (d)
0.9 2886 8055 5.0x10° | 0.008 25 20.6 &)
0.6 2820 10000 1.0x10° | 0.008 4.3 213 ®

TABLE 4.3e The Parameters for Oxygen-rich Stars (M,=5 M,)

M. Togt L. M ®, = 8x10° ®, = 6x10° | panel

(M) K) | Lo (M/yr) on
T10 u T10 u Figures
(km/s) (km/s)

4.0 3153 | 14800 | 3.1x10° | 1.2 | 179 13 | 105 (@)

35 3064 | 15514 | 4.0x10° | 1.4 | 20.0 14 | 144 (b)

2.5 2913 | 16368 | 7.0x10° | 1.7 | 214 1.6 | 167 (©)

2.0 2844 | 16632 | 9.0x10° | 2.8 | 229 25 | 194 @

1.5 2775 | 16773 | 1.3x10° | 4.0 | 229 35 | 199 e

1.1 2723 | 16806 | 2.0x10° | 6.1 | 223 53 | 197 ®

Figures 4.3(a-c) show the model spectra at different radii for both carbon-rich and

oxygen-rich stars. These show us that the spectra shift to long wavelengths as the

observation point moves away from the central star. This is because the further the
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The Velocity Profile for Carbon-rich Stars (with M, = 2.5M,)
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FIGURE 4.2a The velocity profiles for carbon-rich stars with the solid lines for @, =

0.001 and the dotted lines for @, = 0.002. The parameters used here are listed in Table

4.3a.



40

30

20

10

velocity [km/s]

40

30

20

10

velocity [km/s]

40

30

20

10

velocity [km/s]

The Velocity Profile for Carbon~-rich Stars (with M, = 1.5M,)
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FIGURE 4.2b The velocity profiles for carbon-rich stars. The parameters used here are

listed in Table 4.3b.
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The Velocity Profile for Oxygen—rich Stars (with M, = 1.5M,)
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FIGURE 4.2¢ The velocity profiles for oxygen-rich stars. The parameters used here are

listed in Table 4.3c.
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The Velocity Profile for Oxygen-rich Stars (with M, = 3.0M,)
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FIGURE 4.2d The velocity profiles for oxygen-rich stars. The parameters used here are

listed in Table 4.3d.
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The Velocity Profile for Oxygen—rich Stars (with M, = 5.0M,)
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FIGURE 4.2e The velocity profiles for oxygen-rich stars with the solid lines for ®,
= 0.006 and the dotted lines for ®, = 0.008. The parameters used here are listed in Table

4.3e.



85

The Spectrum Distribution for Carbon Stars at Different Radius (M, = 2.5M,)
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FIGURE 4.3a The model spectra at different radii for a carbon star. The parameters

used here are listed on the fifth row in Table 4.3a with ®; = 0.002.



The Spectrum Distribution for Oxygen Stars at Different Radius (M, = 3.0My)
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FIGURE 4.3b The model spectra at different radius for an oxygen star. The parameters

used here are listed on the second row in Table 4.3d.
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The Spectrum Distribution for Oxygen Stars at Different Radius (M, = 5.0M,)
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FIGURE 4.3c The model spectra at different radii for an oxygen star. The parameters

used here are listed on the last row in Table 4.3e with &, = 0.008.
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The Emergent Spectrum Distribution for Carbon-rich Stars (with M, = 2.5M,)
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FIGURE 4.4a The emergent spectrum distributions for carbon stars. The parameters used

here are listed in Table 4.3a with ®, = 0.002.
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The Emergent Spectrum Distribution for Carbon-rich Stars (with M, = 1.5M,)
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FIGURE 4.4b The emergent spectrum distributions for carbon stars. The parameters

used here are listed in Table 4.3b.



The Emergent Spectrum Distribution for Oxygen—rich Stars (with M, = 1.5M,)
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FIGURE 4.4c The emergent spectrum distributions for oxygen stars. The parameters

used here are listed in Table 4.3c.
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FIGURE 4.4d The emergent spectrum distributions for oxygen stars. The parameters

used here are listed in Table 4.3d.



92

The Emergent Spectrum Distribution for Oxygen—rich Stars (with My = 5.0M,)
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distance from the star, the more the dust materials are involved and the lower the
temperature inside the shell is. Figures 4.3 also show that the shape of the spectrum
distribution changes rapidly for the first 50 grid points along the radial direction and
changes 11tt1p after the 50th grid point especially when the mass loss rate is not very high
(£ 10° My/yr).

Figures 4.4(a-e) show the emergent spectra for both carbon-rich and oxygen-rich stars;
the parameters used here are listed in Table 4.3. They show us that the spectra shift from
short wavelengths to long wavelengths. Since the models for the same initial mass at
different time for oxygen-rich stars, Figures 4.4(c-e) show the spectral evolution for
oxygen-rich stars: the spectra shift from short to long wavelengths and the silicate feature

at 9.7 um changes from emission to self absorption as time goes on.

4.3 Fitting of Spectral Energy Distributions

4.3.1 IRAS Data

The Infrared Astronomical Satellite (IRAS) was launched in 1983, with the purpose of
carrying out a survey of the sky in the middle to far-infrared wavelength range from
space. Over the 10 month lifetime of the satellite, IRAS surveyed 96% of the sky using
medium band infrared photometry at wavelengths of 12, 25, 60 and 100 um. Over
245,000 point sources were identified in the course of the survey. At the same time a
low-resolution spectrometer (A/AA = 40) covering the wavelength range from 7.7 to 23

um was in operation, providing the spectra of the brighter point sources (Volk & Kwok
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1988). The satellite is described by Pauw (1983) while details of the data processing and

the characteristics of various catalogs produced from the data are given in the IRAS
Explanatory Supplement (1985). A total of 5425 spectra were obtained by IRAS to form
the Catalog of Low Resolution Spectra (LRSC 1986). Out of the 5425 spectra, 2113 show
the 10 pm silicate dust feature. This group of objects include both emission and
absorption feature sources, indicating a wide range of dust optical depths in the sample.
Although some of these objects are associated with early-type stars embedded in
interstellar dust, HII regions, and sources in the star formation regions, most of them are
expected to be intermediate-mass AGB stars. We select three sources from this catalog:
AFGL3068 (carbon-rich star), o Ceti (oxygen-rich with 9.7 ym emission feature) and
OH25.6+0.6 (oxygen-rich with 9.7 pm absorption feature). Near-infrared data for these

stars comes from NASA Catalog of Infrared Observations (1993).

4.3.2 Colour Corrections

In the IRAS source catalog, the flux densities have been quoted from the effective
wavelengths and an input energy distribution which is constant in the flux per logarithmic
frequency interval (essentially the flux per octave); i.e., the flux density with frequency
v goes as £, «< v while the flux density with wavelength A goes as f, o< XL, If the input
energy distribution is not constant in flux per octave, a correction called colour correction
must be applied to the quoted flux density. This correction depends on the shape of
intrinsic energy distribution and on the details of the wavelength response of the system

(IRAS Explanatory Supplement 1985).
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The flux F measured by a detector is given by

F = £, lactuall [ (£,/£,) lactuall R,dv

£, lquoted] [(£,/£,) [quoted] R,dv (84)

f,,0 [quoted]
K

[(£,/£,) lactuall R,dv

In these equations, V, is the effective frequency of 25, 12, 5, and 3x10™® Hz corresponding
to the effective wavelengths of 12, 25, 60 and 100 pm, f, is either the actual or quoted
flux density of the source, (f,/£,,) is the flux density normalized to the effective frequency
of the band and R, is the relative system response listed in the Table IL.C.5 in the IRAS
Explanatory Supplement (1985). The above equations show that the true flux density at

V, is given by
f, lactuall = £, [quoted]/K , (85)

with the correction factor K:

_ [(&a/£,) lactuall R,dv
f(f,,/f%) [quoted] R,dv

’ (86)

and they are listed in Table 4.4 (IRAS Explanatory Supplement 1985).

Table 4.4 shows that the correction factor K is a function of temperature and
wavelength. In order to get the colour temperature, the least-square fit to the four
photometric band fluxes has been performed by using the Planck function (Volk 1986).

The quantity to be minimized is



TABLE '4.4 Colour Correction Factors K’
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T (K) K (12um) K (25um) K (60um) | K (100um)
10000 1.45 1.41 1.32 1.09
5000 1.43 1.40 1.32 1.09
4000 1.42 1.40 1.31 1.09
3000 1.41 1.39 131 1.09
2000 1.38 1.38 131 1.09
1000 1.27 1.34 1.29 1.09
800 1.22 1.32 1.28 1.08
600 1.15 1.29 1.27 1.08
500 1.09 1.26 1.26 1.08
400 1.01 1.22 1.24 1.08
300 0.92 1.15 121 1.08
200 0.91 1.15 121 1.07
280 0.90 1.14 1.20 1.07
270 0.89 1.13 1.20 1.07
260 0.88 1.12 1.19 1.07
250 0.87 1.11 1.19 1.07
240 0.86 1.09 1.18 1.07
230 0.85 1.08 1.18 1.07
220 0.85 1.07 1.17 1.07
210 0.84 1.06 1.16 1.07
200 0.83 1.04 1.16 1.06
190 0.83 1.02 1.15 1.06
180 0.83 1.01 1.14 1.06
170 0.83 0.99 1.13 1.06
160 0.84 0.97 112 1.06
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4
Z [1g(A;Fy,) - 1g(R;B, (T)1% , (87)
i=1

where B,(T) is the Planck function:

B, (T,) = AAS[eP/MTe _ 171 (88)

The parameters to be found are A and colour temperature T, Taking the partial
derivatives of % with respect to A and T,, and setting them equal to zero allows you to
find A and T,. Once T, is found, the colour correction factors K c;n be found by using
the linear interpolation according to Table 4.4. Table 4.5 is the T, and K at A = 12, 25,
60, 100 pm for the three selected sources. The calibration factors for Low Resolution
Spectrum are adopted from Volk and Cohen (1989).

TABLE 4.5 The Colour Temperature and The Correction Factors for Sample Stars

Star Name | T,(K) | K(12um) | K@5pum) | K(60um) | K(100pm)

AFGL3068 | 326 0.943 1.168 1.218 1.075
o Ceti 752 1.203 1.313 1.278 1.080
OH25.640.6 | 257 0.877 1.117 1.190 1.070

4.3.3 Model Results for AFGL3068

The first observation of star AFGL3068 was made by AFCRL sky survey (Low et at.
1976). The near- and middle infrared spectrum was first observed by Lebofsky and Rieke
(1977) using the 1.5 m telescope at The University of Arizona’s Catalina Station and

confirmed AFGL3068 to be an extremely evolved carbon-star for it has no evidence of
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the SiC feature which is prominent in most known carbon stars. Volk and Kwok (1992)
have used a radiative transfer model with two dust materials (graphite + SiC) to get a
good fit to the LRS spectrum and IRAS data. Here we use graphite with the radius a =
0.05 pm as the dust material and the distance D = 1 kpc in the model calculation. The
other parameters used are listed in Table 4.6. Figures 4.5(a-b) show the spectrum fitting
for AFGL3068 along with the spectra at different radii. It shows that the model result
successfully approximates the observations from 5.0 pm to 23 um including M band, LRS
spectra and 12 pm IRAS flux, but does not fit the near infrared observations.

TABLE 4.6 Model and Derived Parameters

Star Name M. Tose L. M ®, Ty u
M, | K) (Lo) (MJ/yr) (km/s)
AFGL3068 1.0 2000 9000 1.0x10* 0038 | 1.8 10.3
o Ceti 2.0 3000 20000 3.5%10°¢ 0035 | 0.63 | 152
OH25.6+0.6 | 2.0 2600 30000 2.4x10™* 0024 | 27.8 | 139

4.3.4 Model Results for o Ceti
Ever since Fabricius (1605) discovered brightness variations of o Ceti (IRAS02168-
0312), much attention has been devoted to this star. With an average maximum brightness
V. = 3.5, a typical amplitude AV = 6.5, an average period P = 331.9 days and a spectral
type varying approximately between M5Ie and MO9Ille (Quirrenbach et al. 1992), this
star has the 9.7 um silicate emission feature. The latest near-infrared JHKL.M photometry

was obtained by Fouque et al. (1992) using the ESO 1 m telescope equipped with its



99
standard infrared photometer. Since the LRS of o Ceti (IRAS 02168-0312) has the |
silicate emission feature, silicate with the radius a = 0.05 pm is used as the dust particle
in the model calculations. The distance inferred from the model calculation is 330 pc. The
parameters used here are listed in Table 4.6. Figures 4.6(a-b) show the spectrum fitting

for o Ceti along with the spectra at different radii. The plots show us that the model has

successfully fitted the data from the observations from 7.9 pm to 60 pum. But the flux on
near infrared is lower than the observations. This may be because an M6III star emission
is not a blackbody radiation which is used in the model calculations and that also the gas

component should have some contribution in the near infrared continuum.

4.3.5 Model Results for OH25.6+0.6

The first spectrophotometry observation for star OH25.6+0.6 from 2 pm to 14 ym was
made during the AFCRL Infrared Sky Survey (Walker & Price 1975), in which is
identified the characteristic 9.7 um silicate absorption feature presumably for an M type
star (Merrill & Stein 1976). The latest near infrared photometry observations for JHKL'
bands were made by Xiong, Chen and Gao (1994) by using 1.26 m infrared telescope in
Xing Long station, Beijing, China. Silicate dust with the radius a = 0.05 pm is used as
the dust material and the distance from the star is 1.6 kpc in the model calculation and
the other parameters used in the model calculation are listed in Table 4.6. Figures 4.7(a-b)
show the spectrum fitting for OH25.6+0.6 and with the spectra at different radii. The
fitting is good around the 10 pm absorption feature. But the absorption feature around 18

um is not so strong as the observation indicates. The weakness of the 18 ym feature in
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the model can be understood since the 18 um feature is in transition from emission to
absorption when the optical depth at 10 um is about 3-40 (Volk & Kwok 1988). It
requires a larger amount of cool dust for the 18 um feature to go into self-absorption. It
can be seen from IRAS fluxes that the observations are much flatter than the model
calculations at long wavelengths. Another possibility could be that the cool interstellar
silicate dust materials contribute to the 18 um absorption feature while the model does
not take this into consideration. The model cannot fit the observational flux for K-band.
The reason is not very clear, but the fact that the CO molecule absorption (for M =
2.4x10* M/yr) around this wavelength (2 um) should be one factor to be blamed.

Figure 4.8 shows the density and velocity profiles for these three sample stars. For star
AFGL 3068, the density profile is not much different from the inverse square power law
(p o< r?) beyond 25 stellar radii, but for stars o Ceti and OH25.6+0.6, the density profiles
are different from the inverse square power law for the velocities increase with the radius
out to 125 stellar radii.

From the fittings of these three stars, the near infrared continuum fluxes from the
models for stars AFGL 3068 and o Ceti are lower than those from observations. This is
perhaps because in our model only one kind of dust particle is considered on the radiation
transfer, the gas and other kinds of dust particles should also have some contributions to

the near infrared continuwum.
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The Density and Velocity Profiles for Three Stars
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Chapter 5 Summary and Conclusions

Results from Infrared Astronomical Satellite (IRAS) have shown that many evolved
stars are surrounded and obscured by dust ejected in the form of stellar wind. It has been
generally accepted that these winds are driven by radiation pressure on dust, however, no
self-consistent theory on the hydrodynamics of such winds has yet been developed. Since
the star is shielded from the view of dust in the outer parfs by dust close to the star, the
hydrodynamics equations have to be solved simultaneously with the equation of radiation
transfer. In this thesis, we have developed the one -- dimensional numerical code for the
hydrodynamics coupled with the fully radiative transfer solutions, and applied it to the
envelopes of evolved stars -- AGB stars. Here is the brief summary.

The model for the stellar wind of an AGB star is based on the idea that the radiation
pressure from the central star drives the dust outward, in the mean time, the interaction
between the dust and the gas pulls the gas materials outwards. The momentum gained
from the radiations is fully transferred to the momentum of material movement. In the
model, we treat the stellar wind as a two component fluid since the dust moves out faster
than does the gas, the detailed frequency dependent radiative transfer solution is pursued
along with the fully hydrodynamic solutions. The details about the model and the
numerical method are given in chapter 2.

We use this model to investigate the effects of some free parameters, such as the effects
of dust grain size, the effects of mass loss rate and the lowest mass loss rate which can

be driven by the radiation pressure and compared it to the results of Kwok (1975) and
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Netzur & Elitzer (1993), and the effects of dust to gas ratio as demonstrated in chapter
3. The conclusions drawn here are that the spectral distributions and the terminal outflow
velocities of AGB stars are affected greatly by the mass loss rate and dust to gas ratio.
We have also found that the different dust size will result in different terminal velocity
of outflow materials. We also investigate the rangers of dust condensation temperature
and dust optical properties in details in chapter 3 as well.

The second area of work described in this thesis is modelling the terminal velocities of
the stellar outflows. The goal here is to obtain better information about the stellar wind
and the spectrum evolutions on AGB stars. To achieve this goal the empirical or semi-
empirical formulae about the luminosities, effective temperatures and mass loss rates have
been adopted and the observation data have been used, which are described in details in
sections 4.1 and 4.2. The adopted formulae and the model calculations resulted in a
reasonable agreement with the observations.

The third area of work done on this thesis is to model the infrared spectra of three AGB
stars by fitting the model spectrum distribution to the IRAS data. The models are very
successfully fitting the LRS spectra for both carbon-rich star, AFGL3068, and for the
oxygen-rich star, o Ceti, which has emission feature at 10 um. The model for the oxygen
rich star, OH25.6+0.6, which has 10 um absorption feature, successfully simulates the 10
um feature, but provided a weaker silicate dust absorption feature around 18um than the
observations.

One problem is that on the fitting of star AFGL 3068, we obtain too high fluxes on the

long wavelengths compared to the IRAS fluxes at 25, 60, and 100 um. Perhaps the
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graphite opacity at long wavelength should be modified. The other problem is that the
models can not fit the near infrared observations well. This maybe due to the emission
of gas materials, which are not considered in the model.

The models presented in this thesis are qualitatively successful. In order to produce
better quantitative results and provide the evolution of the stellar wind the time-dependent
hydrodynamic model coupled with detailed radiative transfer solution should be used
instead of steady--state calculations. More work needs to be done, such as to sort out the
various parameters which are present in the models, the interstellar dust extinction effect
and the emission of the gas material on the infrared continuum should be included on the
model to produce the best possible match to the IRAS data. The other area we should
improve is that we should use the numerical solutions from the stellar atmosphere
radiative transfer models instead of blackbody radiation assumption as the stellar

emission. This is very important for the low mass loss rate.



111
Bibliography

Adams, F. C. & Shu, F. H,, 1985, APJ, 296, 655.

Adams, F. C. & Shu, F. H., 1986, APJ, 308, 836.

Appenzeller, L. & Tscharnuter, W., 1974, A&A, 30, 423.

Arquilla, R., Leahy, D. A. & Kwok, S., 1986, MNRAS, 220, 125.

Beck, H. K. B. et al., 1992, A&A, 265, 626.

Blocker, T., 1993, PH. D. Thesis, University Kiel.

Blﬁcl;er, T., 1995a, A&A, 297, 7217.

Blocker, T., 1995b, A&A, 299, 755.

Bodenheimer, P., 1972, Rep. Prog. Phys., 32, 1.

Bohren, G. F. & Huffman, D. R., 1983, in Absorption and Scattering of Light By Small
Particles, A Wiley-Interscience Publication, John Wiley & Sons, 83.

Boothroyd, A. I. & Sackmann, I J., 1988a, APJ, 328, 641.

------------- 1988c, APJ, 328, 671.

Bowen, G. H., 1988, APJ, 329, 299.

Bower, P. F. & Johnston, K. J., 1990, APJ, 354, 676.

Bryan, G. L., Volk, K. & Kwok, S., 1990, APJ, 365, 301.

Chan, S. J. & Kwok, S., 1990, A&A, 237, 354.

Chapman, J. M. & Cohen, R. J., 1986, MNRAS, 220, 513.

Cohen, J. G. et al., 1981, APJ, 249, 481.

Cohen, M. & Tielens, A. G. G. M. et al., 1989, APJ, Lett. 344, L13.



112
Draine, B. T. & Lee, H. M., 1984, APJ, 285, §9.

Elitzur, M. et al., 1976, APJ, 205, 384.

Fabricius, D., 1605, Kurtzer and Griindlicher Bericht, Hamburg.

Fouque, P. et al., 1992, A&A Supplement Series 93, 151.

Friedmann, C., 1969, Physica, 41, 139.

Gail, H. P. & Sedlmayr, E., 1986, A&A, 166, 225.

Gail, H. P. & Sedlmayr, E., 1987, in Physical Processes in Interstellar Clouds, eds. G.
Morfill and M. Scholer, (Reidel, Dordrecht), 275.

Gauge, A., Gail, H. P. & Sedlmayr, E., 1990, A&A, 235, 345.

Gehrz, R. D., 1989, in IAU Symposium No. 135; Interstellar Dust, eds. Allamandola, L.
T. & Tielens, A. G. G. M., 445.

Gilmann, R. C., 1969, APJ, 155, L185.

Gilmann, R. C., 1972, APJ, 178, 423.

Gilra, D. P., 1972, The Scientific Results from the Orbitting Astronomical Observatory
(OAO-2), ed. A. D. Code (NASA SP-301)

Goldreich, P. & Scoville, N., 1976, APJ, 205, 144.

Habing, H. J., Tignon, J. & Tielegs, A. G.G. M, 1994, A&A, 286, 523.

Hackwell, J. A., 1972, A&A, 21, 239.

Henyey, L. G. et al., 1964, APJ, 139, 306.

Hummer, D. H. & Rybick, G. B., 1971, MNRAS, 152, 1.

Iben, I, 1981, APJ, 246, 278.

Iben, I. Jr. & Renzini, A., 1983, ARA&A, 21, 271.



113
IRAS Catalogs and Atlases, Explanatory Supplement. 1985, eds. C.A. Beichman, G.

Neugebauer, H. J. Habing; P. E. Clegg, and T. J. Chester (Washington D. C.: US
Government Printing Office).

IRAS Catalogs and Atlases, Catalog of Low Resolution Spectra. 1986, A&A Suppl., 65,
(LRSC).

Jura, M., 1986, APJ, 303, 327.

Jura, M. et al., 1988, A&A, 201, 80.

Jura, M., 1990, in From Miras to Planetary Nebulae: Which Path for Stellar Evolution?
eds. Mennessier, M. O. & Omont, O., (Yvette Cedex: Editions Frontiers), 67.

Knapp, G. R., 1986, APJ, 311, 731.

Knapp, G. R. et al., 1982, APJ, 252, 616.

Knapp, G. R. et al., 1989, APJ, 336, 822.

Knapp, G. R. & Morris, M, 1985, APJ, 292, 640.

Kwok, S., 1975, APJ, 198, 583.

Kwok, S., 1976, 1976, J. Roy. Astron. Soc. Canada, 70, 49.

Kwok, S., 1983, in Planetary Nebulae, IAU Symp., 103, ed. D. R. Flower, Reidel,
Dordrecht, 293. \

Kwok, S., 1985, APJ, 290, 568.

- Kwok, S., 1987, Physics Reports, 156(3), 111.

Kwok, S., 1990, MNRAS, 224, 179.

Kwok, S., 1993, AR.A&A., 31, 63.

Kwok, S. & Chan, S. J., 1993, APJ, 106, 2140.



114
Lambert, D. L. et al., 1986, APT Suppl., 62, 373.

Larson, R. B., 1969, MNRAS, 145, 271.

Larson, R. B., 1972, MNRAS, 157, 121.

Leahy, D. A., Kwok, S. & Arquilla, R. A., 1987, APJ, 320, 285.

Lebofsky, M. J. & Riceke, G. H., 1977, APJ, 82, 646.

Le Borgne, J. F. & Mauron, N., 1989, A&A, 210, 198.

Leung, C. M., 1975, APJ, 199, 340.

Likkel, L. & Forveille, T. et al., 1988, A&A, 198, L1.

Likkel, L. & Omont, A. et al., 1987, A&A, 183, L13.

Loar, A. & Draine, B. T., 1993, APJ, 402, 441.

Low, F. J. & Kurtz, R. F. et al., 1976, APJ, Lett 206, L153.

Merril, K. M., 1977, in IAU Colloquium 42; The Interaction of Variable Stars With Their
Environment, ed. R. Kippenhahn, J. Rahe and W. Strohmeier, 446.

Merri, K. M. & Stein, W. A., 1976, Publications of the Astronomical Society of the
Pacific, 88, 874.

Mezger, P. G., 1983, in Bi:rth and Infancy of Stars, ed. Robert Lucas,
Alain Omount and Raymond Stora, 31.

NASA Catalog of Infrared Observations, 1993, eds. D. Y. Grezari, M. Schmitz, P. S. Pitts
& J. M. Mead.

Netzer, N. & Elitzur, M., 1993, APIJ, 410, 701.

Neugebauer, G. & Leighton, R. B., 1969, Two-Micro Sky Survey, NASA SP-3047.

Olofsson, H., Eriksson, K., & Gustafsson, B., 1987, A&A, 183, L13.



115
-------- 1988, A&A, 196, L1.

Paczyiski, B., 1971, Acta Astr., 31, 417.

Papular, E., & Pegourie, B., 1983, A&A, 128, 335.

Pritchet, C.J., Richer, H. B., et al., 1987 APJ, 323, 79.

Pottach, S. R., 1984, Planetary Nebulae, (Dordrécht Reidel), 215.

Quirrenbach, A. et al., 1992, A&A, 259, L.19.

Richer, H. B. & Crabtree, D. R. 1985, APJ, 289, L13.

Rieu, N. Q. et al., 1987, A&A, 180, 117.

Rowan-Robinson, M., 1980, APJs, ;14, 403.

RoWan—Robinson, M. & Harris, S., 1982, MNRAS, 200, 197.

Rowan-Robinson, M. & Harris, S., 1983, MNRAS, 202, 767.

Salpeter, E. E., 1974, APJ, 193, 585.

Salpeter, E. E., 1977, ARA&A, 15,267.

Schwarzschild, M. & Harm, R., 1965, APJ, 142, 855.

Schonberner, D. et al., 1994, Evolution-From the AGB Through the Planetary Nebula
Stage in Asymmetrical Planetary Nebulae, Annals. of Israel Physical Society, eds.
Harpaz, H. & Soher, N., Vol 11, 81.

Schutte, W. A. & Tielens, A. G. G. M., 1989, APJ, 343, 369.

Snow, T. P., Buss, R. H. et al., 1987, APJ, 321, 921.

Sopka, R. J., Hilderbmel, R. et al., 1985, APJ, 294, 242.

Steffen, M. & Szczerba, R. et al., 1995, Self-consistent Models and Synthetic Spectra of

Circumstellar Dust Shells, in Liege International Astrophysical Colloquium, 165



116
Tielens, A. G. G. M,, 1983, APJ, 271, 702.

Tielens, A. G. G. M., 1989, in From Miras to Planetary Nebulae: Which Path for Stellar
Evolution? eds. M. N. Mennessier & A. Omont, (Editions Frontiers), 186.

Vassiliadis, E. & Wood, P. R., 1993, APJ, 413, 641.

Volk, K., 1986, PH.D. Thesis, The Dept. of Phys., The Univ. of Calgary.

Volk, K. & Kwok, S., 1987, APJ, 315, 654.

Volk, K. & Kwok, S., 1988, APJ, 331, 435.

Volk, K. & Kwok, S., 1992, APJ, 391, 285.

Wainscoat, R. J., Cohen, M., & Volk, K. et al. 1992, APJ Suppl. Series, 83, 111.

Walker, P. G. & Price, S. D., 1975, Nature, 253, 101.

Wannier, P. G. & Sahai, R., 1986, APJ, 311, 335.

Weidemann, V., 1990, A. R. A&A, 28, 103.

Weidemann, V., 1993, in Mass Loss on the AGB and Beyond, ed. H. E. Schwarz, 55.

Weidemann, V. & Koester, D., 1983, A&A, 121, 77.

Weigert, A., 1966, Z. APJ, 64, 395.

Weymann, R. J., 19624, ibid., 136, 476.

Wood, P. R., Bessell, M. S. & Fox, M. W., 1983, APJ, 272, 99.

Wood, P. R. & Cahn, J. H., 1977, APJ, 211, 499.

Wood, P. R. & Zarro, D. M., 1981, APJ, 397, 552.

Woolf, N. J. & Ney, E. P., 1969, APJ lett. 155, L181

Xiong, G. Z., Chen, P. S. & Gao, H., 1994, A&A Suppl. Series, 108, 661.

Yorke, H. W, 1979, A&A, 80, 308.



117
Yorke, H. W., 1980, A&A, 85, 215.

Yorke, H. W., 1980, A&A, 86, 286.

Yorke, H. W. & Kiriigel, E., 1977, A&A, 54, 183.

Zhang, C. Y. & Kwok, S., 1993, APJ Suppl. Series, 88, 137
Zuckerman, B. et al., 1986, APJ, 304, 401.

Zuckerman, B. & Dyck, H. M., 1986a, APJ, 304, 394.
--------- 1986b, APJ, 311, 345.

_________ 1989, A&A, 209, 119.



